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原始惑星系円盤
星形成の際に原始星周囲に形成、質量~0.01Msun

星形成：星のガスは円盤を通して降着
惑星形成：円盤中で惑星が形成

星・惑星形成に対して重要な役割を果たす。



星・原始惑星系円盤の形成・進化
分子雲コア（重いガス塊）が重力崩壊 
→星・円盤形成が開始

~1Msun
~104au
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分子雲コアの重力崩壊の特徴的スケール

ジーンズ質量

ここでは簡単のため球対称の場合を考える（磁場・回転無視）

自由落下時間：崩壊したガスが中心に達する時間
温度 T, 密度 ρ 一定

ジーンズ長：ガスが重力崩壊するために必要なサイズ
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重力崩壊はいつまで続くか？

圧力勾配力~ P/R ∝ ργ/R ∝ R-3γ-1

P∝ργ ρ∝M r-3

重力~ GMρ/R2 ∝ R-5

γ<4/3 →重力が圧力より増加率大
重力崩壊でRが小さくなる時、重力・圧力は増加

γ>4/3 →圧力が重力より増加率大

分子雲コアはT~10Kでほぼ等温　γ~1 
　⇒重力崩壊が続く 
等温進化が終わった時に崩壊が止まる。

分子雲コア 
質量M, 半径R

R

M



原始星形成過程の1次元計算
PTEP 2012, 01A307 S. Inutsuka

Dissociation of H2

Ebind = 4.48 eV
First Core

Second
Core

γeff = 5/3

Effective Ratio of Specific Heats 

γeff =1.1 < γeff =4/3

Second Collapse

First Collapse

dense 
core

γeff = 7/5

Fig. 1. Temperature evolution at the center of the gravitationally collapsing cloud obtained by Masunaga and
Inutsuka in their radiation hydrodynamical calculation of protostellar collapse in spherical symmetry [19]. The
first collapse phase corresponds to the formation of the first core, which consists mainly of hydrogen molecules.
The dissociation of hydrogen molecules triggers the second collapse, which eventually produces the second
core or a protostar. Each phase of the temperature evolution is characterized by the effective ratio of specific
heats, γeff.

ρ ∼ 1g/cc, and the second adiabatic core or a protostar forms. Further periods of evolution include a
T-Tauri phase on the Hayashi track, the timescale of which is about two orders of magnitude longer
than the dynamical timescale (∼ 105 year) of protostellar collapse, which is only accessible by steady
state calculations (see, e.g., the review by Chabrier and Baraffe [21]). The time evolution of the SED
obtained from the self-consistent RHD calculation is also shown in Ref. [19]. Molecular emission
line profiles of various important species have also been calculated in self-consistent dynamical mod-
els [22]. Recent 3D modeling of protostellar radiation hydrodynamics can be found, e.g., in Refs.
[9–12,23–26].

3. Resistive magnetohydrodynamics of protostellar collapse

In this section and the following sections we mainly explain the results of resistive magnetohydro-
dynamical simulations in the series of papers by Machida et al. [27–34,53]

3.1. Basic equations
In the early phase of protostellar collapse, the gas remains mostly neutral, since ionization is mainly
due to cosmic rays that provide a small ionization degree in molecular density. The timescale of col-
lisional coupling between charged particles and neutral particles is relatively short compared with
the self-gravitational collapse timescale. Therefore, the dynamics of weakly ionized gas in the proto-
stellar collapse calculation can be described by a 1-fluid resistive MHD equation based on the strong
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(Larson 1969, Masunaga et al. 1998, Masunaga Inutsuka 2000) 

Inutuka 2012

分子雲コアの重力崩壊によりFirst Coreを経て原始星が形成

形成直後の質量：Fist Core ~ 10-2 Msun 

中心密度 
(時間発展)

温度

原始星 ~ 10-3 Msun 



星形成の3次元シミュレーション
回転・磁場を含めた3次元シミュレーション 
　　原始星形成後、First Core から円盤形成 
　　磁場によって Outflow, Jet が形成No. 1, 2010 RMHD SIMULATION OF PROTO-STELLAR COLLAPSE L59

2. METHOD AND MODEL

We solve three-dimensional self-gravitational RMHD equa-
tions on nested-grids. Equations and quantities for the radiation
are defined in the comoving frame of the fluid. We treat only
the zeroth-order moment equations of radiation transfer using
the gray (i.e., equations are integrated over frequency assum-
ing a blackbody spectrum of the local temperature) FLD ap-
proximation proposed by Levermore & Pomraning (1981) with
Levermore (1984) closure relations. We assume ideal MHD with
no resistivity. The equation of state (EOS) of the gas is also as-
sumed to be ideal, where the gas mainly consists of hydrogen
molecules and the adiabatic index γ is set to 7/5 throughout the
simulation, which is better to trace the realistic thermal evolu-
tion than γ = 5/3 (Stamatellos & Whitworth 2009). We assume
that the gas and the dust have the common local temperature.

Here, we do not describe the implementation of our code
in detail but mention some points about the treatment of
radiation transfer. For the MHD and self-gravity parts, see
Machida et al. (2005a, 2005b). Our method for updating
radiation and gas energy is similar to the ZEUS-MP code
(Hayes et al. 2006), although the detailed treatment of the
MHD and radiation parts is different from theirs. While our
MHD and self-gravity parts are advanced explicitly with a
second-order scheme, the radiation part is advanced implicitly
with the first-order backward Euler method for stable time-
integration. Newton–Raphson iteration is used to solve the
resulting nonlinear equations. The sparse matrix appearing
here is very large and not diagonally dominant because of
the strong nonlinearity of the system; hence, a fast and robust
iterative solver is required. We use a stabilized biconjugate
gradient solver with a multi-color modified incomplete LU
decomposition preconditioner, which is stable and efficient.

We determine the timestep by the Courant–Friedrich–Levy
(CFL) criterion derived for the MHD part. All the grids
have this common timestep and are advanced synchronously,
although individual (asynchronous) timesteps are generally
used in AMR simulations. In usual MHD simulations using
individual timesteps, boundary values in the finer level are
constructed by time-interpolation of the values in the coarser
level. However, if we use an implicit time-integrator and a far
larger timestep than that determined by the CFL condition for
radiation transfer (i.e., ∆t ≫ ∆tRT = ∆x/c, where c is the speed
of light), then this time-interpolation is not adequate, at least in
principle.

We use a compiled table of opacity adopted from Ferguson
et al. (2005) and Semenov et al. (2003). We use Semenov
et al. (2003) for the Rosseland mean opacity, and we smoothly
combine the two for the Planck mean; Ferguson et al. (2005)
in high temperature (T ! 1000 K) and Semenov et al. (2003)
in low temperature. This is because the Planck mean opacity
of Semenov et al. (2003) is quite lower than other opacity
tables in high temperature (Ferguson et al. 2005). We adopt
the surface formula with the limiter proposed by Howell &
Greenough (2003) to evaluate radiation energy flux at the cell
interface.

We take a Bonnor–Ebert sphere of 10 K with central density
ρc = 1.0 × 10−19g cm−3 for the initial condition. The mass and
radius of the cloud are Mc ∼ 6.1 M⊙ and Rc ∼ 0.178 pc,
respectively. Initial rotation and magnetic fields are given
uniformly along the z-axis, ω = 0.1/tff ≃ 1.5×10−14 s−1 and
Bz = 1.1 µG. The outermost boundary values are fixed to keep
their initial values, and no geometric symmetry is assumed. The
number of grid points in each level of nested-grids is 643. The

Figure 1. Three-dimensional structure of the first core and outflow in level
L = 10. The left and bottom panels are density profiles and the right panel
shows the temperature distribution. The cyan surface is a density isosurface.
The fast outflowing region (vz > 0.3 km s−1) is also visualized with volume
rendering. Red and yellow lines are the magnetic field lines.

size of the finer grid is half of the coarser grid, and the finer grid
is placed around the center of the simulation box self-similarly.
The simulation starts with five levels of nested-grids, and finer
grids are generated adaptively to resolve the local Jeans length
with 32 meshes not to induce artificial fragmentation (Truelove
et al. 1997). This is also because insufficient resolution causes
the gas entropy to be overestimated near the center of the core. At
the end of the simulation, 18 levels of nested-grids are generated
and finest resolution is ∆x ∼ 0.009 AU. We stop the simulation
when the gas temperature of the central region reaches 2000 K
at which temperature hydrogen molecule starts to dissociate and
the second collapse begins.

3. RESULTS

3.1. Overview

Figure 1 is a typical bird’s-eye view of the first adiabatic core
and the outflow ∼500 yr after the first core formation. There
coexist two components of outflow: well-collimated fast outflow
(associated with red magnetic field lines) and slow outflow
with a large opening angle (associated with yellow magnetic
field lines). The former is driven by magnetic pressure and
the latter by magneto-centrifugal force (Blandford & Payne
1982). Tomisaka (2002) showed that the magnetic pressure
mode typically appears in the case of weak magnetic fields,
while the magneto-centrifugal mechanism appears in the case
of relatively strong magnetic fields.

Vertical slices of the outflow scale and the core scale are
shown in Figure 2. Hereafter we discuss only vertical slices since
the process occurs nearly axisymmetric. Although the density
distribution shows the complicated structure as a result of MHD
processes, the temperature distribution is almost spherically
symmetric in the center of the cloud. The gas is heated up
by the radiation before it enters the first core. This means that
the temperature distribution in the outer region is dominated
by the radiation from the central hot region. This picture is
considerably different from that of the barotropic approximation
used in previous studies, in which the temperature is determined
only by the local gas density.

Tomida et al. 2010
8 show that the opening angle of the low-velocity flow for model
RR is larger than that of the high-velocity flow (i.e., the flow from
the protostar) for models SR and MR. The height-to-radius
ratio of the low-velocity flow is H /R ’ 2:2 (Fig. 10b) to 2.5
(Fig. 10c) in model RR, while that of the high-velocity flow is
H /R ’ 10 in model SR. In model RR, the low-velocity flow
maintains its shape (i.e.,H /R ! constant) regardless of time,while
the high-velocity flow in model SR becomes slender along the
vertical axis with time (i.e., H /R increases with time).

Figure 11 shows the density and velocity distribution on the
y ¼ 0 (top panels) and z ¼ 0 (bottom panels) planes at the same
epoch as Figure 10c, but with different grid scales. Figure 11c
is 16 times magnification of Figure 11a and shows the ripping

density contours caused by the strong mass ejection from the cen-
ter of the cloud. Since the low-velocity flow interrupts gas ac-
cretion in the regions above and below the central core, the gas
accretes onto the central region only via a thin disk (Fig. 11a).
The top panel in Figure 11b shows the low-velocity flow driven
near the first core (dotted line). At this epoch, the first core, which
has a disklike shape at the formation epoch, has deformed to a
ringlike shape (Fig. 11b, bottom panel ). As shown in Figure 11c,
the density of the first core exceeds nck 1012 cm#3, while the den-
sity of the ambient gas outside the first core is ncP 1012 cm#3.
Since ohmic dissipation is effective for 1012 cm#3P ncP
1015 cm#3 (Nakano et al. 2002), the dissipation of the magnetic
field becomes effective inside the first core, while it is barely

Fig. 9.—Bird’s-eye view of model MR at the same epoch as Figs. 6c and 7c, but with different scales of 2:8 AU (left) and 1:4 AU (right). The structure of the high-
density region (! > 0:1!c; red isodensity surface) andmagnetic field lines (black and white streamlines) are plotted in each panel. The structures of the high-velocity flow
(v > 7 km s#1) and low-velocity flow (v > 0:5 km s#1) are shown by purple and blue isovelocity surfaces, respectively. The density contours ( false color and contour
lines) and velocity vectors (thin arrows) on the midplane of x ¼ 0, y ¼ 0, and z ¼ 0 are, respectively, projected in each wall surface.

Fig. 10.—Time sequence of model RR. The density (color scale) and velocity distribution (arrows) on the cross section in the y ¼ 0 plane are plotted. Panels (a)Y (c) are
snapshots at the stages of (a) nc ¼ 1:7 ; 1012 cm#3 (l ¼ 12Y14), (b) 2:7 ; 1014 cm#3 (l ¼ 12Y16), and (c) 5:5 ; 1014 cm#3 (l ¼ 16Y17). Red thick lines indicate the border
between the outflow and accretion flow (i.e., contour of vz ¼ 0). The elapsed time after the first core formation (tc), elapsed time from the initial (t), density at the center of
the cloud (nc), and arrow scale are denoted in each panel.

MACHIDA, INUTSUKA, & MATSUMOTO1100 Vol. 676

Machida et al. 2008



原始惑星系円盤の形成・進化
分子雲コアのガスは一般に角運動量を持つ 
!

重力崩壊したガスは遠心力半径(重力＝遠心力)で円盤に降着

円盤は角運動量輸送により拡散

(Goodman et al.1993 Caselli et al. 2002)

分子雲コアのガスのほとんどは直接星に落ちず 
円盤を通して星に降着

PTEP 2012, 01A307 S. Inutsuka

first core

protostar
(second core)circumstellar disk

outflow (low velocity)
jet (high velocity)

from
 first core

from
 second core

accretion

accretion

rotation

rotation

Fig. 5. Schematic picture proposed by Machida et al. [32] for the jet and outflow driven from the protostar and
the first core, respectively. Note that this is not to scale.

Table 2. Resistive MHD simulation for disk formation [51].

nc,0 rcl Mcl B0 Rcf
Model (cm−3) (AU) (M⊙) α ω λ (µG) $0 (s−1) β0 (AU) R/I∗

1 3 × 106 5400 1 1.0 0.1 1 176 2.3 × 10−13 0.03 2150 R
2 3 × 106 5400 1 0.3 0.1 2 92 2.3 × 10−13 0.03 2150 R
3 3 × 106 5400 1 0.1 0.1 3 58 2.3 × 10−13 0.03 2150 R
4 3 × 106 5400 1 1.0 0.1 1 176 2.3 × 10−13 0.03 2150 I
5 3 × 106 5400 1 0 0.1 ∞ 0 2.3 × 10−13 0.03 2150 R
6 3 × 106 5400 1 1.0 0.15 1 176 4.7 × 10−13 0.04 4800 R
7 3 × 106 5400 1 1.0 0.05 1 176 1.2 × 10−13 0.007 540 R
8 3 × 107 1740 0.3 1.0 0.1 1 566 7.4 × 10−13 0.03 680 R
9 3 × 104 54 000 10 1.0 0.1 1 17.6 2.3 × 10−14 0.03 21 500 R

∗ R: Resistive MHD model, I: Ideal MHD model; see Sect. 4.

Model names and initial values are summarized in Table 2. In the collapsing cloud core, we assume
that a protostar forms when the number density exceeds n > 1013 cm−3 at the center. To model the
protostar, we adopt a sink around the center of the computational domain. In the region r < rsink =
1 AU, gas with a number density of n > 1013 cm−3 is removed from the computational domain and
added to the protostar as a source of gravity in each timestep [49,53]. This treatment of the sink
makes it possible to calculate the evolution of the collapsing cloud core and circumstellar disk for a
longer duration.

In the magnetically active region, the angular momentum is transferred by magnetic braking with
Alfvén speed. To suppress artificial reflection of Alfvén waves at the computational boundary, we
adopt a large simulation box to represent a realistic interstellar medium around the star-forming
cloud. The Alfvén speed at nearly the boundaries of the computational domain for the model with
the strongest magnetic field (Bz,0 = 176 µG) and nc = 3 × 106 cm is vA = 1.3 km s−1. Thus, for the
Alfvén wave to reach the computational boundary from the center of the cloud, it takes 3 × 105 year
(= L1/vA), which corresponds to about 30 times the free-fall timescale (tff,c = 1.0 × 104 year),
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内側のガスは角運動量を失う 
→星に降着 
外側のガスは角運動量を得て広がる



円盤中の角運動量輸送：重力不安定性
Toomre’s Q parameter

回転、圧力による安定化

自己重力による不安定化

cs:音速 
Ω:回転角速度 
Σ:面密度

D

(GΣdtstop)2
=

(πQ)2α

(ϵtstopΩ)2
Ω−1 (105)

n2 +
[
ϵtstop(Ω

2 − 2πGΣk) +Dk2
]
n (106)

+ϵtstopΩ
2Dk2 = 0. (107)

n = −1

2

[
ϵtstop(Ω

2 − 2πGΣk) +Dk2
]

(108)

±1

2

√
[ϵtstop(Ω2 − 2πGΣk) +Dk2]2 − 4ϵtstopΩ2Dk2 (109)

n = −1

2

[
D

(
k − πGΣϵtstop

D

)2

+ ϵtstopΩ
2 − (πGΣϵtstop)2

D

]
(110)

ϵ ≪ 1 (111)

kmax =
ϵtstopΩ

αQ
H−1 (112)

nmax =
ϵ2(tstopΩ)2

2αQ2

[
1− αQ2

ϵtstopΩ

]
Ω−1 (113)

ϵ ≫ 1 (114)

tstopΩ = 1 (115)

Q

ϵ
! 60

( α

10−4

)−1/2

(tstopΩ)
1/2 (116)

ϵ = 10 (117)

Q = 5× 103 (118)

α = 10−6 (119)

Mdisk ∼ πr2Σd " M⊕

(
r

100 [AU]

)2 ( α

10−4

)1/2

(120)

tstopΩ ≪ 1 (121)

tstopΩ ≫ 1 (122)

Mdisk ∼ 2πr∆rΣd " 120M⊕

(
∆r/r

0.1

)(
r

100 [AU]

)1/2 ( α

10−4

)1/2

(123)

tstopΩ ∼ 1 (124)

Q =
csΩ

πGΣ
= 3 (125)

6

が小さいほど不安定

Q>2：安定
1<Q＜2：渦状腕形成 
→非軸対称な重力による角運動量輸送
Q<1：分裂

若い円盤はΣが大きく不安定

Radiative transfer self-gravitating discs 1179

Table 1. Model parameters and the simulation results. R, !init and ρinit are the radius,
angular velocity and density of the initial cloud core, respectively.

Model R (au) !init(s−1) ρinit (g cm−3) αth βrot Fragmentation

1 5.8 × 103 7.61 × 10−14 6.91 × 10−19 0.58 0.01 No
2 5.8 × 103 1.07 × 10−13 6.91 × 10−19 0.58 0.02 Yes
3 4.9 × 103 8.37 × 10−14 1.19 × 10−18 0.48 0.007 No
4 4.9 × 103 1.00 × 10−13 1.19 × 10−18 0.48 0.01 Yes
5 3.9 × 103 1.17 × 10−13 2.33 × 10−18 0.38 0.007 No
TMI13 3.9 × 103 1.40 × 10−13 2.33 × 10−18 0.38 0.01 Yes

of thermal to gravitational energy (αth ≡ Et/|Eg|) and rotational
to gravitational energy (β rot ≡ Er/|Eg|), respectively. The values
for cloud core parameters adopted in this study are consistent with
results obtained by recent three-dimensional magneto-
hydrodynamics simulations that investigated the evolution of
molecular clouds and involved core formation (Inoue & Inutsuka
2012). The initial cores were modelled with about 520 000 SPH
particles.

4 QUA SI-STEADY STRUCTURES O F
SELF-GRAVITATING DISCS WITH RADIATIVE
TRANSFER

4.1 Simulation results

4.1.1 Overview of disc evolution

We calculated the early evolution of the disc until about 10 000 yr
after the formation of the protostar. Fig. 1 shows the evolution of
surface density at the centre of the cloud core for model 1 in Table 1.
In Figs 1(a) to (e), we can clearly see the bimodal structure, i.e. the
central pressure-supported core (the first core) and the disc around
it. The figure indicates that, before the second collapse, the disc
forms around the central first core, and spiral arms develop. These
features are commonly seen in unmagnetized or weakly magnetized
molecular cloud cores (Bate 1998, 2011; Tsukamoto & Machida
2011; Machida, Inutsuka & Matsumoto 2010, 2011; Tsukamoto,

Figure 1. Time sequence for surface density at the cloud centre, viewed
face-on for model 1. Elapsed time after the cloud core begins to collapse is
shown in each panel.

Figure 2. Time sequence for the density-weighted gas temperature at the
cloud centre, viewed face-on for model 1. Elapsed time after the cloud core
begins to collapse is shown in each panel.

Machida & Inutsuka 2013b; Bate, Tricco & Price 2014). The central
temperature of the first core exceeds T ∼ 1500 K and the second
core (or protostar) forms between Figs 1(e) and (f). The white dot
at the centre of Figs 1(f) to (i) corresponds to the location of the
protostar. The disc radius gradually increases by mass accretion
from the envelope, and angular momentum is redistributed by the
spiral arms.

Fig. 2 shows gas temperatures at the centre of the cloud at the
same epochs as in Fig. 1. In comparison with Figs 1 and 2 shows
that the structure of the gas temperature is more axisymmetric than
that of the surface density. Figs 1 and 2 indicate that there is only
a very weak correlation between surface density and temperature.
If we assume that the heat source for the disc is viscous heating
due to the GI, it is difficult to explain the axisymmetric tempera-
ture distribution because gravitational energy is mainly converted to
thermal energy around the spiral arms and the heating should be lo-
calized around the spiral arms, and thus, the temperature structure
should trace the surface density structure. Although we can see
weak heating by the spiral arms (e.g. in Fig. 2(g)), the entire tem-
perature structure is almost axisymmetric. Therefore, there must be
other heating mechanisms that cause the axisymmetric temperature
structure. As we will see below, the radiation flux within the disc
determines the axisymmetric component of the gas temperature.

4.1.2 Vertical disc structures

Fig. 3 shows the density contour map on the y = 0 plane at
the epoch in Fig. 1(i). The red lines show the scale height of
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円盤中の角運動量輸送：MRI
磁気回転不安定性 (MRI)

磁力線

磁気張力で引き合う
前に引かれて 
角運動量を得る
⇒より離れる　不安定化

(Bulbus and Hawley 1991)

runs. The precise dependence on the field strength is difficult
to measure because of the small range between the limits. The
origins of the limits are discussed in the next subsection.

We perform an additional numerical experiment to dem-
onstrate the importance of the amount of net magnetic flux. So
far the initial field is assumed to be uniform everywhere in the

computational domain. However, model Z62p has an initially
uniform field that is localized within a small part of the
domain. At the beginning, the magnetic field is confined to
!0:5 < x < 0:5 and !1 < y < 1 and fills one-quarter of the
volume of the box. The field strength and the other parameters
are exactly the same as model Z62. The time evolution of the

Fig. 7.—Magnetic fields in model Z62p, on x-z slices at y ¼ 0. The model is started with a localized vertical field, uniform in !0:5 < x < 0:5 and !1 < y < 1.
Colors show the logarithm of magnetic pressure, and arrows the strength and direction of the poloidal magnetic field. The MRI enlarges the magnetized region, and
after a few orbits the entire domain is turbulent.

ANGULAR MOMENTUM TRANSPORT BY MHD TURBULENCE 331No. 1, 2004

(Sano et al. 2004)

⇒乱流粘性による角運動量輸送最終的に乱流状態

非理想磁気流体力学の効果を考慮すると
安定化される可能性
(cf. Bai Stone 2013, Gressel et al 2015)



円盤中の角運動量輸送：磁気制動
円盤が磁場を巻き込む⇒角運動量を上空に輸送

回転と逆向きの磁気張力

上空のガス：降着中の分子雲コア or  磁気駆動円盤風のガス

初期の円盤形成過程 円盤形成後の進化過程

Machida et al. 2011
cf. Li et al. 2011 cf. Suzuki et al. 2010 

     Bai 2013

若い円盤の半径、質量 
を決める

MRIが安定化された場合 
の角運動量輸送として有望



円盤中のダストの運動

小さなダストは摩擦によりガスと共に運動 
大きくなるとガスとは別に運動

円盤中のダスト役割 
　＊惑星形成の材料 
　＊近年の詳細な観測の放射源 
　　（ダスト熱輻射）

ダストの運動はガスとの摩擦が重要

ALMA Observations of HL Tau 5

FIG. 2.— Panels (a), (b), and (c) show 2.9, 1.3, and 0.87 mm ALMA continuum images of HL Tau. Panel (d) shows the 1.3 mm psf for the same FOV as the
other panels, as well as an inset with an enlarged view of the inner 300 mas centered on the psf’s peak (the other bands show similar patterns). Panels (e) and
(f) show the image and spectral index maps resulting from the combination of the 1.3 and 0.87 mm data. The spectral index (α) map has been masked where
α/αerror < 4. The synthesized beams are shown in the lower left of each panel, also see Table 1. The range of the colorbar shown for panel (b), at 1.3 mm,
corresponds to −2×rms to 0.9× the image peak, using the values in Table 1. The colorscales for panels (a), (c) and (e) are the same except using the values of
rms and image peak corresponding to each respective wavelength in Table 1.

reconcile with a simple disk/outflow scenario, suggesting that
the blue-shifted outflow has broken out of the parental core
(Monin et al. 1996), or that there is another – as yet unidenti-
fied – driving source. Unfortunately, the 12CO (1-0) data are
missing significant flux (due to a lack of short spacings), and
have insufficient sensitivity in the outer portions of the field
of view to warrant deeper analysis of its properties. Figs. 1b,
and c show zoomed in views of our serendipitous detections of
XZ Tau (A and B), and LkHα358; no other continuum sources
above the local 4σ level were detected.

3.1. HL Tau

3.1.1. Position and Proper Motion

The fitted position for HL Tau in each of the ALMA
images is given in Table 1. The phase calibrator posi-
tions are accurate to < 1 mas and the positions are consis-
tent between the three observed bands to better than 2 mas
(consistent with dedicated LBC astrometry experiments, see
ALMA partnership et al. 2015); thus, we assume 2 mas as the
absolute ALMA position uncertainty. The position reported
by Kwon et al. (2011) from 1.3 mm CARMA observations is
04h31m38s.418 +18◦13′57.′′37 (J2000, epoch 2009.08). The
phase calibrator for CARMA observations (J0510+1800) had
a position accurate to better than 1 mas, and we assume an

HL Tau

円盤乱流⇒ダストの衝突合体・破壊

ダストの中心星落下 等、惑星形成に影響大
(cf. Nakagawa et al. 1986)

(cf. Takeuchi and Lin 2005,　Chiang and Youdin 2010)

ALMA partnership et al. 2015



円盤中のダストの落下問題
ガスとダストの回転速度は異なる

ガス : (重力) =  (遠心力) + (圧力) 
ダスト : (重力) =  (遠心力)

vrot,gas < vrot,dust
ダストは向かい風を受ける 
→角運動量を失い内側へ落下

ガス

重力 圧力

遠心力

ダスト

重力 遠心力

回転速度

回転速度 ダストの落下は惑星形成の課題 
円盤の圧力構造（温度・密度構造） 
の理解が不可欠



分子雲コアが重力崩壊 
　降着率～cs3/G~10-6Msun/yr

中心に星、円盤が形成 
　磁気制動・自己重力不安定性 
　で角運動量輸送

分子雲コアの全てのガスが降着 
　MRI or 円盤風の磁気制動で進化

円盤中のダスト進化→惑星形成

原始惑星系円盤の形成・進化過程



Outline

• イントロ　

!

• 円盤形成・進化の物理過程

!

• 現在の課題

!

• 将来の展望、まとめ 

原始惑星系円盤の形成・進化の概要

円盤の詳細構造形成の理解



円盤進化理論の課題：詳細構造形成

これまでの基本的な円盤進化の理解では、 
観測される多様な円盤構造を説明できない
円盤進化の理解を進める（改める）必要がある

すばる望遠鏡・ALMA等の活躍により多様な円盤構造が発見

渦状腕 三日月型 リング

ALMA Observations of HL Tau 5

FIG. 2.— Panels (a), (b), and (c) show 2.9, 1.3, and 0.87 mm ALMA continuum images of HL Tau. Panel (d) shows the 1.3 mm psf for the same FOV as the
other panels, as well as an inset with an enlarged view of the inner 300 mas centered on the psf’s peak (the other bands show similar patterns). Panels (e) and
(f) show the image and spectral index maps resulting from the combination of the 1.3 and 0.87 mm data. The spectral index (α) map has been masked where
α/αerror < 4. The synthesized beams are shown in the lower left of each panel, also see Table 1. The range of the colorbar shown for panel (b), at 1.3 mm,
corresponds to −2×rms to 0.9× the image peak, using the values in Table 1. The colorscales for panels (a), (c) and (e) are the same except using the values of
rms and image peak corresponding to each respective wavelength in Table 1.

reconcile with a simple disk/outflow scenario, suggesting that
the blue-shifted outflow has broken out of the parental core
(Monin et al. 1996), or that there is another – as yet unidenti-
fied – driving source. Unfortunately, the 12CO (1-0) data are
missing significant flux (due to a lack of short spacings), and
have insufficient sensitivity in the outer portions of the field
of view to warrant deeper analysis of its properties. Figs. 1b,
and c show zoomed in views of our serendipitous detections of
XZ Tau (A and B), and LkHα358; no other continuum sources
above the local 4σ level were detected.

3.1. HL Tau

3.1.1. Position and Proper Motion

The fitted position for HL Tau in each of the ALMA
images is given in Table 1. The phase calibrator posi-
tions are accurate to < 1 mas and the positions are consis-
tent between the three observed bands to better than 2 mas
(consistent with dedicated LBC astrometry experiments, see
ALMA partnership et al. 2015); thus, we assume 2 mas as the
absolute ALMA position uncertainty. The position reported
by Kwon et al. (2011) from 1.3 mm CARMA observations is
04h31m38s.418 +18◦13′57.′′37 (J2000, epoch 2009.08). The
phase calibrator for CARMA observations (J0510+1800) had
a position accurate to better than 1 mas, and we assume an

ALMA partnership et al. 2015

HL Tau

2 M. Fukagawa et al. [Vol. ,

Cycle 0. The maximum and minimum baselines were 380 m
and 20 m, respectively, and the latter corresponded to the
largest angular scale of the detectable component of 10′′. The
observations reported in this letter consisted of four schedul-
ing blocks over the period from June to August 2012. The
correlator was configured to store dual polarizations in four
separate spectral windows with 469 MHz of bandwidth and
3840 channels each, providing a channel spacing of 0.122MHz
(0.11 km s−1). Note that the effective spectral resolution
is lower by a factor of around 2 (∼0.2 km s−1) because of
Hanning smoothing. The central frequencies for these win-
dows are 330.588, 329.331, 342.883, and 342.400 GHz, re-
spectively, allowing observations of molecular lines of 13CO
J = 3–2, C18O J = 3–2, and CS J = 7–6. The results of
the CS observations will be reported elsewhere. The quasars
3C 279 and J1924-292 were targeted as bandpass calibrators,
whereas the amplitude and phase were monitored through ob-
servations of the quasar J1427-4206. The absolute flux density
was determined from observations of Titan and Neptune.
The data were calibrated and analyzed using the Common

Astronomy Software Applications (CASA) package, version
3.4. After flagging aberrant data and applying calibrations for
the bandpass, gain, and flux scaling, the corrected visibilities
were imaged and deconvolved using the CLEAN algorithm
with Briggs weighting with a robust parameter of 0.5. In ad-
dition, to improve the sensitivity and image fidelity, the self-
calibration was performed for the continuum for which the dis-
tinct structure was detected with a very high signal-to-noise
ratio (S/N). The calibration began with the CLEAN-ed im-
age as an initial model of the source brightness distribution.
The phase alone was corrected first via six iterative model re-
finements, then the calibration was obtained for phase-plus-
amplitude with no iteration. The solution for the continuum
was applied to 13CO and C18O data. The final CLEANing was
performed with Uniform weighting both for the continuum and
emission lines. The self-calibration reduced the fluctuation in
the continuum to the level that can be accounted for by 2–3
times as high as the theoretical thermal origin, resulting in a
clear detection of compact emission at the stellar position.
The uncertainty associated with the absolute flux density is

10%. The synthesized beam size for the continuum is 0.′′39×
0.′′34 with a position angle (PA) of 57◦ for the major axis, and
those for 13CO and C18O are 0.′′43×0.′′37 with PA = 50◦. The
rms noise is 0.19 mJy beam−1 for the continuum whereas it is
12 and 15 mJy beam−1 in the 0.11 km s−1 wide channels for
the line emission of 13CO and C18O, respectively. Since the
positional information was lost through the self-calibration, the
stellar position was determined as the brightness centroid of the
compact continuum detected at around the stellar coordinates.

3. Results

3.1. Continuum at 336 GHz

3.1.1. Outer Disk
Figure 1 shows the continuum emission at 336 GHz

(890 µm). The outer disk was readily detected and the total
flux density (> 5σ) was measured as 2.7 Jy. It clearly departs
from a uniform ring and exhibits a horseshoe-like distribution
as reported in previous studies (Ohashi 2008; Casassus et al.
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Fig. 1. Dust continuum map at 336 GHz (890 µm) for the disk of
HD 142527. The color-scale shows the brightness temperature in a
logarithmic scale. The black contours denote Tb = 5, 10, 15 and 20
K while the white one does the 5σ level. The size of the synthesized
beam is shown at the left corner of the image with a white ellipse of
0.′′39× 0.′′34 (= 55 AU × 48 AU) with the major-axis PA of 57◦.

2013). The northern region is brighter than the southwestern
(SW) area, with an emission peak of 213 mJy beam−1 at the
projected distance of 1.′′0 (140 AU) from the star, and at a PA
of 30◦. When probed along the annular emission ridge, both
ends of the horseshoe appear to be connected at the bright-
ness minimum of 7 mJy beam−1 at 1.′′3 (180 AU) and PA =
220◦. The contrast in flux density thus reaches to 30 between
the northern peak and the SWminimum. The peak flux density
is expressed by a brightness temperature (Tb) of 24 K with-
out the Rayleigh-Jeans approximation. This Tb is much higher
than those beyond 100 AU in other disks. Unless the emitting
grains are significantly warmer than 24 K, the region should be
optically thick to the submillimeter radiation due to the high
column density.
3.1.2. Inner Disk and Radial Gap
At the position of the star, emission was detected with a

significance of 16σ at the peak (figure 1). The χ2-fitting of
an elliptic Gaussian function resulted in a FWHM of (0.′′33±
0.′′02)× (0.′′29± 0.′′02) with a PA of 99◦ ± 3◦ for the major
axis. It was thus spatially unresolved given the beam size of
0.′′39× 0.′′34. The integrated flux density over the Gaussian
was 2.3±0.2 mJy, substantially higher than the photospheric
level of 0.02 mJy. This suggests that the emission comes
from the inner disk whose presence has been predicted from
the near-infrared excess, and the mid-infrared imaging (V11;
Fujiwara et al. 2006) where the inner disk was marginally re-
solved with an inferred size of ∼30–50 AU in radius. The
gaseous emission from the inner disk was also imaged and
kinematically resolved (Casassus et al. 2013; Öberg et al.
2011; Pontoppidan et al. 2011). The mass of the inner disk
can be crudely estimated, assuming that the majority of the
mass resides in the outer, optically thin part, using the equation
Min = Fνd2/(κνBν(T )), where Fν is the observed flux den-
sity, d is the distance to the star, κν is the opacity, and T is the
characteristic temperature of the disk. We adopted T = 50 K
(Chiang& Goldreich 1997) and κ336 of 0.034 cm2 g−1, assum-

Fukagawa et al. 2013

HD 142527
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Figure 2. Top: PI image of SAO 206462 in the north-up configuration with log-stretch color scales. The filled orange circles at the center indicate the mask size
(r = 0.′′15). The circles have r = 0.′′2, exterior to which the features are considered to be real. The right panel is central region’s close-up. Different color scales are
used to enhance the spirals labeled as “S1” and “S2.” The “Dip” may be due to depolarization. Bottom: PI profile along the red line in the top right panel. The arrow
indicates the location of S2. The position errors are not shown for visibility.

are found to have constant radii. After removing these points,
we have 27 (S1) and 56 (S2) points as representing samples of
non-axisymmetric spirals, with the opening angle of ∼15◦ for
both S1 and S2. We estimate that the uncertainty of the location
of the maxima is given by the FWHM of the PSF.

In order to fit the non-axisymmetric structures by
Equation (1), we fix α and β at 1.5 (Kepler rotation) and 0.4,
respectively, as in Lyo et al. (2011), while other parameters are
varied as (0.′′1 < rc < 0.′′9, 0 < θ0 < 2π, 0.05 < hc < 0.25).
Note that different values of β yield similar results. Since
it is difficult to fit S1 and S2 simultaneously, they are fitted
independently.

The “best-fit” parameters are (rc, θ0, hc) = (0.′′39, 204◦, 0.08)
for S1 (reduced χ2 = 0.52) and (rc, θ0, hc) = (0.′′9, 353◦, 0.24)
for S2 (reduced χ2 = 0.31). The spiral shapes with these
parameters are shown in Figure 4. However, the parameter
degeneracy is significant. Figure 5 shows the parameter space of
(rc, θ0) with 63.8% confidence level for hc = 0.1 and hc = 0.2.
Note that in Figure 5, the “best-fit” of (rc, θ0) is outside the
domain of confidence in some cases because hc is not the same
as the best-fit. Despite the parameter degeneracy, the values of
the aspect ratio which fit the shape of the spiral (hc ∼ 0.1) are

consistent with those obtained from the sub-mm map of the disk
(e.g., h = 0.096(r/100 AU)0.15; Andrews et al. 2011).

The spiral density wave theory predicts that the pattern speed
deviates from the local Kepler speed;

Ωpattern = 0.8
( rc

70 AU

)−3/2
(

M∗

1.7 M⊙

)1/2

(deg yr−1) (2)

is not necessarily equal to Ω(r). When rc = 0.′′5(∼ 70 AU), the
spiral will move ∼10◦ in a decade, corresponding to a movement
of 0.′′1. Considering the PSF scale of our observations and the
locations of the spirals, such deviations can be detectable over
a couple of decades. Moreover, if the two spirals have distinct
corotation radii, their relative locations change in time due to
the pattern speed difference. Such measurements will confirm
that the observed feature is really the density wave, providing
indisputable evidence of dynamical activity.

Note that it would be difficult to detect spirals in colder disks
(smaller hc), where spirals are more tightly wound, due to the
blurring by the PSF. The lower detectable limit of hc is typically
hc ∼ 0.01–0.03 for our set of parameters. The combination of
high angular resolution and warm temperatures allows the spiral

4
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原始惑星系円盤のリング構造の観測

ALMA Observations of HL Tau 5

FIG. 2.— Panels (a), (b), and (c) show 2.9, 1.3, and 0.87 mm ALMA continuum images of HL Tau. Panel (d) shows the 1.3 mm psf for the same FOV as the
other panels, as well as an inset with an enlarged view of the inner 300 mas centered on the psf’s peak (the other bands show similar patterns). Panels (e) and
(f) show the image and spectral index maps resulting from the combination of the 1.3 and 0.87 mm data. The spectral index (α) map has been masked where
α/αerror < 4. The synthesized beams are shown in the lower left of each panel, also see Table 1. The range of the colorbar shown for panel (b), at 1.3 mm,
corresponds to −2×rms to 0.9× the image peak, using the values in Table 1. The colorscales for panels (a), (c) and (e) are the same except using the values of
rms and image peak corresponding to each respective wavelength in Table 1.

reconcile with a simple disk/outflow scenario, suggesting that
the blue-shifted outflow has broken out of the parental core
(Monin et al. 1996), or that there is another – as yet unidenti-
fied – driving source. Unfortunately, the 12CO (1-0) data are
missing significant flux (due to a lack of short spacings), and
have insufficient sensitivity in the outer portions of the field
of view to warrant deeper analysis of its properties. Figs. 1b,
and c show zoomed in views of our serendipitous detections of
XZ Tau (A and B), and LkHα358; no other continuum sources
above the local 4σ level were detected.

3.1. HL Tau

3.1.1. Position and Proper Motion

The fitted position for HL Tau in each of the ALMA
images is given in Table 1. The phase calibrator posi-
tions are accurate to < 1 mas and the positions are consis-
tent between the three observed bands to better than 2 mas
(consistent with dedicated LBC astrometry experiments, see
ALMA partnership et al. 2015); thus, we assume 2 mas as the
absolute ALMA position uncertainty. The position reported
by Kwon et al. (2011) from 1.3 mm CARMA observations is
04h31m38s.418 +18◦13′57.′′37 (J2000, epoch 2009.08). The
phase calibrator for CARMA observations (J0510+1800) had
a position accurate to better than 1 mas, and we assume an

2 Sheehan et al.

Table 1. Log of ALMA Observations

Observation Date Baselines Total Integration Time Calibrators

(UT) (m) (s) (Flux, Bandpass, Gain)

Oct. 31 2015 84 - 16,200 169 1517-2422, 1625-2527

Nov. 26 2015 68 - 14,300 169 1517-2422, 1625-2527

Apr. 17 2016 15 - 600 58 1733-1304, 1427-4206, 1625-2527

the Band 3 receivers, and the four basebands were tuned
for continuum observations centered at 90.5, 92.5, 102.5,
104.5 GHz, each with 128 15.625 MHz channels for 2
GHz of continuum bandwidth per baseband. In all the
observations had 8 GHz of total continuum bandwidth.
We list details of the observations in Table 1.
We reduce the data in the standard way with the

CASA software package and the calibrators listed in Ta-
ble 1. After calibrating, we image the data by Fourier
transforming the visibilities with the CLEAN routine. We
use Briggs weighting with a robust parameter of 0.5,
which provides a good balance between sensitivity and
resolution, to weight the visibilities. The resulting im-
age has a beam of size 0.06” by 0.05” with a P.A. of
81.9�. We show the resulting image in Figure 1, and
the azimuthally averaged visibility amplitudes in Figure
2. The rms of the image is 36 µJy/beam. All analy-
sis is done directly to the un-averaged two dimensional
visibilities.

2.2. SED from the Literature

We compile a broadband spectral energy distribution
(SED) for WL 17 from a thorough literature search. We
show the SED in Figure 2. The data includes Spitzer

IRAC and MIPS photometry as well as fluxes from the
literature at a range of wavelengths (Wilking & Lada
1983; Lada & Wilking 1984; Greene & Young 1992; An-
dre & Montmerle 1994; Strom et al. 1995; Barsony et al.
1997; Johnstone et al. 2000; Allen et al. 2002; Natta et al.
2006; Stanke et al. 2006; Alves de Oliveira & Casali 2008;
Jørgensen et al. 2008; Padgett et al. 2008; Wilking et al.
2008; Evans et al. 2009; Gutermuth et al. 2009; Barsony
et al. 2012). We exclude WISE photometry because the
fluxes are inconsistent with the IRAC and MIPS fluxes.
This is because the WISE beam is larger than the Spitzer
beam, and may cause confusion with nearby sources.
The IRAC and MIPS flux measurements were also in-
dependently reproduced by two di↵erent groups using
separate datasets (Evans et al. 2009; Gutermuth et al.
2009), so we believe these measurements to be reliable.
We also include the the SL, SH, and LH calibrated

Spitzer IRS spectrum from the CASSIS database in our
SED(Lebouteiller et al. 2011, 2015). We find that we

need to scale the IRS spectrum by a factor of 3 to align it
with the IRAC/MIPS photometry for the system. When
scaled up the IRS spectrum also nicely matches ground-
based 10 µm photometry of the silicate absorption fea-
ture. This factor may be needed due to issues in the flux
calibration or the pointing towards the source.
For the purposes of assessing the quality of model fits

to the SED we assume a 10% uncertainty on all flux
measurements when computing �2. We also sample the
IRS spectrum at 25 points evenly spaced across the spec-
trum to minimize the number of individual wavelengths
at which radiative transfer flux calculations, which can
be time intensive, must be done.

3. RESULTS

Our 3 mm map of WL 17, shown in Figure 1, shows
a well detected, compact source with a hole measuring
⇠ 0.200 in diameter in the center. At the distance of
Ophiuchus, which we assume to be 137 pc, the hole is

Figure 1. ALMA 3 mm map of WL 17 showing a clear ring-
like structure. The synthesized beam size is 0.06” by 0.05”
with a P.A. of 81.9�. Contours begin at 4� and subsequent
contours are every additional 2�, with 1� = 36 µJy. The
emission interior to the ring does not drop to zero, but rather
falls to a 4� level at the inner edge of the ring. At the center
of the ring the emission rises to a 6� level. This may indicate
the presence of material remaining in the cleared out region.

Maps of 190GHz Continuum and Spectral index

• Axi-symmetric distribution (<~5%) 
• Multiple gaps are consistent with band 7 image [Andrews+2016]
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scattered light emission (Akiyama et al. 2015; Rapson
et al. 2015; Debes et al. 2013, 2016).
In this Letter, we present and analyze observations

that shed new light on the substructure in the TW Hya
disk. We have used the long baselines of ALMA to mea-
sure the 870µm continuum emission from this disk at
an unprecedented spatial resolution of ⇠1AU. Section 2
presents these observations, Section 3 describes a broad-
brush analysis of the continuum data, and Section 4 con-
siders potential interpretations of the results in the con-
texts of disk evolution and planet formation.

2. OBSERVATIONS AND DATA CALIBRATION

TW Hya was observed by ALMA on 2015 Novem-
ber 23, November 30, and December 1. The array in-
cluded 36, 31, and 34 antennas, respectively, configured
to span baseline lengths from 20m to 14 km. The corre-
lator processed four spectral windows centered at 344.5,
345.8, 355.1, and 357.1GHz with bandwidths of 1875,
469, 1875, and 1875MHz, respectively. The observa-
tions cycled between the target and J1103-3251 with a
1 minute cadence. Additional visits to J1107-3043 were
made every 15 minutes. J1037-2934, J1058+0133, and
J1107-4449 were briefly observed as calibrators. The pre-
cipitable water vapor (PWV) levels were ⇠1.0mm on
November 23 and 0.7mm on the latter two executions.
The total on-target integration time was ⇠2 hours.
These raw data were calibrated by NRAO sta↵. After

applying phase corrections from water vapor radiometer
measurements, the data were time-averaged into 2 s inte-
grations and flagged for problematic antennas and times.
The bandpass response of each spectral window was cal-
ibrated using the observations of J1058+0133. The am-
plitude scale was determined from J1037-2934 and J1107-
4449. The complex gain response of the system was cal-
ibrated using the frequent observations of J1103-3251.
Although images generated from these data are relatively
free of artifacts and recover the integrated flux density
of the target (1.5 Jy), folding in additional ALMA obser-
vations with a higher density of short antenna spacings
improves the image reconstruction.
To that end, we calibrated three archival ALMA ob-

servations of TW Hya, from 2012 May 20, 2012 Nov 20,
and 2014 Dec 31, using 16, 25, and 34 antennas span-
ning baselines from 15–375m. The first two observa-
tions had four 59MHz-wide spectral windows centered
at 333.8, 335.4, 345.8, and 347.4 GHz. The latter had
two 235MHz windows (at 338.2 and 349.4GHz), one
469MHz window (at 352.0GHz), and one 1875MHz win-
dow (at 338.4GHz). J1037-2934 was employed as a gain
calibrator, and Titan and 3C 279 (May 20), Ceres and
J0522-364 (Nov 20), or Ganymede and J0158+0133 (Dec
31) served as flux or bandpass calibrators. The weather
for these observations was excellent, with PWV levels

Figure 1. A synthesized image of the 870µm continuum emission
from the TW Hya disk with a 30mas FWHM (1.6AU) circular
beam. The RMS noise level is ⇠35µJy beam�1. The inset shows
a 0.200-wide (10.8AU) zoom using an image with finer resolution
(24⇥ 18mas, or 1.3⇥ 1.0AU, FWHM beam).

of 0.5–1mm. The combined on-target integration time
was 95 minutes. The basic calibration was as described
above. As a check, we compared the amplitudes from
each individual dataset on overlapping spatial frequen-
cies and found exceptional consistency.
The calibrated visibilities from each observation were

shifted to account for the proper motion of the target
and then combined after excising channels with potential
emission from spectral lines. Some modest improvements
were made with a round of phase-only self-calibration.
Continuum images at a mean frequency of 345.9GHz
(867µm) were generated by Fourier inverting the visi-
bilities, deconvolving with a multi-scale, multi-frequency
synthesis version of the CLEAN algorithm, and then restor-
ing with a synthesized beam. All calibration and imaging
was performed with the CASA package (v4.5.0).
After some experimentation, we settled on an analysis

of two images made from the same composite dataset.
The first used a Briggs weighting (with a robust param-
eter of 0) to provide a 24⇥ 18mas synthesized beam (at
P.A.=78�). While this provides enhanced resolution, it
comes at the cost of a dirty beam with ⇠20% sidelobes
(due to the sparse coverage at long baselines) that de-
grades the image quality. A second image was made with
a robust parameter of 0.5 and an elliptical taper to create
a circular 30mas beam with negligible sidelobes. Both
images are consistent (within the resolution di↵erences)
and have RMS noise levels around 35µJy beam�1.

3. RESULTS

Figure 1 shows a high resolution map of the 870µm
continuum emission from the TW Hya disk, revealing a
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FIG. 2.— Panels (a), (b), and (c) show 2.9, 1.3, and 0.87 mm ALMA continuum images of HL Tau. Panel (d) shows the 1.3 mm psf for the same FOV as the
other panels, as well as an inset with an enlarged view of the inner 300 mas centered on the psf’s peak (the other bands show similar patterns). Panels (e) and
(f) show the image and spectral index maps resulting from the combination of the 1.3 and 0.87 mm data. The spectral index (α) map has been masked where
α/αerror < 4. The synthesized beams are shown in the lower left of each panel, also see Table 1. The range of the colorbar shown for panel (b), at 1.3 mm,
corresponds to −2×rms to 0.9× the image peak, using the values in Table 1. The colorscales for panels (a), (c) and (e) are the same except using the values of
rms and image peak corresponding to each respective wavelength in Table 1.

reconcile with a simple disk/outflow scenario, suggesting that
the blue-shifted outflow has broken out of the parental core
(Monin et al. 1996), or that there is another – as yet unidenti-
fied – driving source. Unfortunately, the 12CO (1-0) data are
missing significant flux (due to a lack of short spacings), and
have insufficient sensitivity in the outer portions of the field
of view to warrant deeper analysis of its properties. Figs. 1b,
and c show zoomed in views of our serendipitous detections of
XZ Tau (A and B), and LkHα358; no other continuum sources
above the local 4σ level were detected.

3.1. HL Tau

3.1.1. Position and Proper Motion

The fitted position for HL Tau in each of the ALMA
images is given in Table 1. The phase calibrator posi-
tions are accurate to < 1 mas and the positions are consis-
tent between the three observed bands to better than 2 mas
(consistent with dedicated LBC astrometry experiments, see
ALMA partnership et al. 2015); thus, we assume 2 mas as the
absolute ALMA position uncertainty. The position reported
by Kwon et al. (2011) from 1.3 mm CARMA observations is
04h31m38s.418 +18◦13′57.′′37 (J2000, epoch 2009.08). The
phase calibrator for CARMA observations (J0510+1800) had
a position accurate to better than 1 mas, and we assume an

HLTau 
[ALMA Partnershp+2015]

TW Hya 
[Andrews+2016]

HD169142 
[Fedele+2017]

HD163296 
[Isella+2017]

D. Fedele et al.: ALMA unveils rings and gaps in the protoplanetary system HD 169142: signatures of two giant protoplanets

Fig. 1. (left) ALMA 1.3 mm continuum map with Briggs weighting, robust=0.5, (center) overlaid with the position and size of the inner dust cavity
and gap and the position of the L0-band point like feature. (right) NaCo H-band polarimetric di↵erential image (Quanz et al. 2013).

Fig. 2. (top) Integrated intensity maps (natural weighting) of 12CO (left), 13CO (center) and C18O (right) J = 2 � 1, (bottom) and overlaid with the
dust rings structure.
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planetesimals by concentrating solid particles and prevent-
ing them from accreting onto the star [18,19]. In the last
case, a circular gap is expected when a forming planet is
orbiting in a disk. The orbital radius and mass of the planet
can be inferred from the location and shape of this gap [17].
For HL Tau, it has been suggested that the observed ringed
structure is due to the presence of Saturn-mass planets
orbiting at several tens of A.U. from the central star [20].
This implies that giant planets can form on much shorter
time scales, and at much larger distances from the central
star, than predicted by current planet formation models [6].
The initial results of ALMA observations are promising

but key questions remain unanswered. In particular, it is not
clear if ringlike structures are common to all protoplanetary
disks. ALMA high angular resolution observations targeted

the most luminous disks first, and these may not be
representative of the bulk of the disk population.
Furthermore, dust continuum images do not probe the
distribution of the circumstellar gas and thus cannot
distinguish unambiguously between different formation
processes. Addressing such questions requires a multi-
pronged approach involving both large continuum surveys
of nearby protoplanetary disks with ALMA and in-depth
multiwavelength studies of the most relevant structures
revealed.
In this Letter, we report on the structure of the HD

163296 disk as revealed by ALMA observations of the dust
continuum emission and also line emission from three
isotopologues of carbon monoxide, 12CO, 13CO, and C18O.
HD 163296 is a young (5 Myr) intermediate mass (2.3M⊙)

FIG. 1. ALMA images of the HD 163296 disk emission recorded in 1.3 mm dust continuum (top left), 12CO (top middle), 13CO
(bottom left), and C18O (bottom middle) J ¼ 2 − 1 line emission. The angular resolution of the observations, 0.2200 × 0.1400, is indicated
by the filled white ellipse in the continuum image. The dashed ellipses in the CO maps indicate the locations of the dark rings seeing in
the continuum map. Azimuthally averaged profiles, normalized to the peak intensities, are shown in the right panels. They are calculated
by averaging on elliptical annuli with a position angle of 132°, an eccentricity of 0.7, and a width equal to 1=4 of the angular resolution
of the observations. The error bars are calculated by dividing the root mean square noise of the observations (see Table I in
the Supplemental Material [26]) by the square root of the number of independent beams in each annulus. The vertical lines indicate the
position of the dark (D) and bright (B) rings observed in the continuum map. The horizontal bar in the top right panel indicates the
angular resolution of the observations.
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scattered light emission (Akiyama et al. 2015; Rapson
et al. 2015; Debes et al. 2013, 2016).
In this Letter, we present and analyze observations

that shed new light on the substructure in the TW Hya
disk. We have used the long baselines of ALMA to mea-
sure the 870µm continuum emission from this disk at
an unprecedented spatial resolution of ⇠1AU. Section 2
presents these observations, Section 3 describes a broad-
brush analysis of the continuum data, and Section 4 con-
siders potential interpretations of the results in the con-
texts of disk evolution and planet formation.

2. OBSERVATIONS AND DATA CALIBRATION

TW Hya was observed by ALMA on 2015 Novem-
ber 23, November 30, and December 1. The array in-
cluded 36, 31, and 34 antennas, respectively, configured
to span baseline lengths from 20m to 14 km. The corre-
lator processed four spectral windows centered at 344.5,
345.8, 355.1, and 357.1GHz with bandwidths of 1875,
469, 1875, and 1875MHz, respectively. The observa-
tions cycled between the target and J1103-3251 with a
1 minute cadence. Additional visits to J1107-3043 were
made every 15 minutes. J1037-2934, J1058+0133, and
J1107-4449 were briefly observed as calibrators. The pre-
cipitable water vapor (PWV) levels were ⇠1.0mm on
November 23 and 0.7mm on the latter two executions.
The total on-target integration time was ⇠2 hours.
These raw data were calibrated by NRAO sta↵. After

applying phase corrections from water vapor radiometer
measurements, the data were time-averaged into 2 s inte-
grations and flagged for problematic antennas and times.
The bandpass response of each spectral window was cal-
ibrated using the observations of J1058+0133. The am-
plitude scale was determined from J1037-2934 and J1107-
4449. The complex gain response of the system was cal-
ibrated using the frequent observations of J1103-3251.
Although images generated from these data are relatively
free of artifacts and recover the integrated flux density
of the target (1.5 Jy), folding in additional ALMA obser-
vations with a higher density of short antenna spacings
improves the image reconstruction.
To that end, we calibrated three archival ALMA ob-

servations of TW Hya, from 2012 May 20, 2012 Nov 20,
and 2014 Dec 31, using 16, 25, and 34 antennas span-
ning baselines from 15–375m. The first two observa-
tions had four 59MHz-wide spectral windows centered
at 333.8, 335.4, 345.8, and 347.4 GHz. The latter had
two 235MHz windows (at 338.2 and 349.4GHz), one
469MHz window (at 352.0GHz), and one 1875MHz win-
dow (at 338.4GHz). J1037-2934 was employed as a gain
calibrator, and Titan and 3C 279 (May 20), Ceres and
J0522-364 (Nov 20), or Ganymede and J0158+0133 (Dec
31) served as flux or bandpass calibrators. The weather
for these observations was excellent, with PWV levels

Figure 1. A synthesized image of the 870µm continuum emission
from the TW Hya disk with a 30mas FWHM (1.6AU) circular
beam. The RMS noise level is ⇠35µJy beam�1. The inset shows
a 0.200-wide (10.8AU) zoom using an image with finer resolution
(24⇥ 18mas, or 1.3⇥ 1.0AU, FWHM beam).

of 0.5–1mm. The combined on-target integration time
was 95 minutes. The basic calibration was as described
above. As a check, we compared the amplitudes from
each individual dataset on overlapping spatial frequen-
cies and found exceptional consistency.
The calibrated visibilities from each observation were

shifted to account for the proper motion of the target
and then combined after excising channels with potential
emission from spectral lines. Some modest improvements
were made with a round of phase-only self-calibration.
Continuum images at a mean frequency of 345.9GHz
(867µm) were generated by Fourier inverting the visi-
bilities, deconvolving with a multi-scale, multi-frequency
synthesis version of the CLEAN algorithm, and then restor-
ing with a synthesized beam. All calibration and imaging
was performed with the CASA package (v4.5.0).
After some experimentation, we settled on an analysis

of two images made from the same composite dataset.
The first used a Briggs weighting (with a robust param-
eter of 0) to provide a 24⇥ 18mas synthesized beam (at
P.A.=78�). While this provides enhanced resolution, it
comes at the cost of a dirty beam with ⇠20% sidelobes
(due to the sparse coverage at long baselines) that de-
grades the image quality. A second image was made with
a robust parameter of 0.5 and an elliptical taper to create
a circular 30mas beam with negligible sidelobes. Both
images are consistent (within the resolution di↵erences)
and have RMS noise levels around 35µJy beam�1.

3. RESULTS

Figure 1 shows a high resolution map of the 870µm
continuum emission from the TW Hya disk, revealing a
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FIG. 2.— Panels (a), (b), and (c) show 2.9, 1.3, and 0.87 mm ALMA continuum images of HL Tau. Panel (d) shows the 1.3 mm psf for the same FOV as the
other panels, as well as an inset with an enlarged view of the inner 300 mas centered on the psf’s peak (the other bands show similar patterns). Panels (e) and
(f) show the image and spectral index maps resulting from the combination of the 1.3 and 0.87 mm data. The spectral index (α) map has been masked where
α/αerror < 4. The synthesized beams are shown in the lower left of each panel, also see Table 1. The range of the colorbar shown for panel (b), at 1.3 mm,
corresponds to −2×rms to 0.9× the image peak, using the values in Table 1. The colorscales for panels (a), (c) and (e) are the same except using the values of
rms and image peak corresponding to each respective wavelength in Table 1.

reconcile with a simple disk/outflow scenario, suggesting that
the blue-shifted outflow has broken out of the parental core
(Monin et al. 1996), or that there is another – as yet unidenti-
fied – driving source. Unfortunately, the 12CO (1-0) data are
missing significant flux (due to a lack of short spacings), and
have insufficient sensitivity in the outer portions of the field
of view to warrant deeper analysis of its properties. Figs. 1b,
and c show zoomed in views of our serendipitous detections of
XZ Tau (A and B), and LkHα358; no other continuum sources
above the local 4σ level were detected.

3.1. HL Tau

3.1.1. Position and Proper Motion

The fitted position for HL Tau in each of the ALMA
images is given in Table 1. The phase calibrator posi-
tions are accurate to < 1 mas and the positions are consis-
tent between the three observed bands to better than 2 mas
(consistent with dedicated LBC astrometry experiments, see
ALMA partnership et al. 2015); thus, we assume 2 mas as the
absolute ALMA position uncertainty. The position reported
by Kwon et al. (2011) from 1.3 mm CARMA observations is
04h31m38s.418 +18◦13′57.′′37 (J2000, epoch 2009.08). The
phase calibrator for CARMA observations (J0510+1800) had
a position accurate to better than 1 mas, and we assume an
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D. Fedele et al.: ALMA unveils rings and gaps in the protoplanetary system HD 169142: signatures of two giant protoplanets

Fig. 1. (left) ALMA 1.3 mm continuum map with Briggs weighting, robust=0.5, (center) overlaid with the position and size of the inner dust cavity
and gap and the position of the L0-band point like feature. (right) NaCo H-band polarimetric di↵erential image (Quanz et al. 2013).

Fig. 2. (top) Integrated intensity maps (natural weighting) of 12CO (left), 13CO (center) and C18O (right) J = 2 � 1, (bottom) and overlaid with the
dust rings structure.
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planetesimals by concentrating solid particles and prevent-
ing them from accreting onto the star [18,19]. In the last
case, a circular gap is expected when a forming planet is
orbiting in a disk. The orbital radius and mass of the planet
can be inferred from the location and shape of this gap [17].
For HL Tau, it has been suggested that the observed ringed
structure is due to the presence of Saturn-mass planets
orbiting at several tens of A.U. from the central star [20].
This implies that giant planets can form on much shorter
time scales, and at much larger distances from the central
star, than predicted by current planet formation models [6].
The initial results of ALMA observations are promising

but key questions remain unanswered. In particular, it is not
clear if ringlike structures are common to all protoplanetary
disks. ALMA high angular resolution observations targeted

the most luminous disks first, and these may not be
representative of the bulk of the disk population.
Furthermore, dust continuum images do not probe the
distribution of the circumstellar gas and thus cannot
distinguish unambiguously between different formation
processes. Addressing such questions requires a multi-
pronged approach involving both large continuum surveys
of nearby protoplanetary disks with ALMA and in-depth
multiwavelength studies of the most relevant structures
revealed.
In this Letter, we report on the structure of the HD

163296 disk as revealed by ALMA observations of the dust
continuum emission and also line emission from three
isotopologues of carbon monoxide, 12CO, 13CO, and C18O.
HD 163296 is a young (5 Myr) intermediate mass (2.3M⊙)

FIG. 1. ALMA images of the HD 163296 disk emission recorded in 1.3 mm dust continuum (top left), 12CO (top middle), 13CO
(bottom left), and C18O (bottom middle) J ¼ 2 − 1 line emission. The angular resolution of the observations, 0.2200 × 0.1400, is indicated
by the filled white ellipse in the continuum image. The dashed ellipses in the CO maps indicate the locations of the dark rings seeing in
the continuum map. Azimuthally averaged profiles, normalized to the peak intensities, are shown in the right panels. They are calculated
by averaging on elliptical annuli with a position angle of 132°, an eccentricity of 0.7, and a width equal to 1=4 of the angular resolution
of the observations. The error bars are calculated by dividing the root mean square noise of the observations (see Table I in
the Supplemental Material [26]) by the square root of the number of independent beams in each annulus. The vertical lines indicate the
position of the dark (D) and bright (B) rings observed in the continuum map. The horizontal bar in the top right panel indicates the
angular resolution of the observations.
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惑星形成理論との関係

ALMA Observations of HL Tau 5

FIG. 2.— Panels (a), (b), and (c) show 2.9, 1.3, and 0.87 mm ALMA continuum images of HL Tau. Panel (d) shows the 1.3 mm psf for the same FOV as the
other panels, as well as an inset with an enlarged view of the inner 300 mas centered on the psf’s peak (the other bands show similar patterns). Panels (e) and
(f) show the image and spectral index maps resulting from the combination of the 1.3 and 0.87 mm data. The spectral index (α) map has been masked where
α/αerror < 4. The synthesized beams are shown in the lower left of each panel, also see Table 1. The range of the colorbar shown for panel (b), at 1.3 mm,
corresponds to −2×rms to 0.9× the image peak, using the values in Table 1. The colorscales for panels (a), (c) and (e) are the same except using the values of
rms and image peak corresponding to each respective wavelength in Table 1.

reconcile with a simple disk/outflow scenario, suggesting that
the blue-shifted outflow has broken out of the parental core
(Monin et al. 1996), or that there is another – as yet unidenti-
fied – driving source. Unfortunately, the 12CO (1-0) data are
missing significant flux (due to a lack of short spacings), and
have insufficient sensitivity in the outer portions of the field
of view to warrant deeper analysis of its properties. Figs. 1b,
and c show zoomed in views of our serendipitous detections of
XZ Tau (A and B), and LkHα358; no other continuum sources
above the local 4σ level were detected.

3.1. HL Tau

3.1.1. Position and Proper Motion

The fitted position for HL Tau in each of the ALMA
images is given in Table 1. The phase calibrator posi-
tions are accurate to < 1 mas and the positions are consis-
tent between the three observed bands to better than 2 mas
(consistent with dedicated LBC astrometry experiments, see
ALMA partnership et al. 2015); thus, we assume 2 mas as the
absolute ALMA position uncertainty. The position reported
by Kwon et al. (2011) from 1.3 mm CARMA observations is
04h31m38s.418 +18◦13′57.′′37 (J2000, epoch 2009.08). The
phase calibrator for CARMA observations (J0510+1800) had
a position accurate to better than 1 mas, and we assume an

ギャップに惑星？ 
形成時間に制限（<1Myr）

リングにダスト濃集？ 
微惑星形成を促進

リング・ギャップ形成メカニズムの解明が 
惑星形成過程の理解のヒントになる
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惑星によるギャップ構造形成
惑星と円盤ガスとの重力相互作用でギャップを形成

惑星重力 ⇒ δvr

運動エネルギー保存 
vθ22 + δvr2= vθ12

(δvr,vθ2)

(0,vθ1)

⇒回転速度の減少 vθ2 < vθ1 
　惑星周囲にギャップ形成

& Sunyaev 1973), we write O B� 8h R2 2 , where � 8h c R( )
denotes the disk aspect ratio and c is the sound speed, which
are dependent on the disk temperature.

Because of a strong gravitational torque exerted by a planet
on the disk, a gap opens along the planet–orbit. We assume a
sufficiently wide gap so that the torque is exerted mainly within
a flat gap bottom with a constant surface density 4p. Then,
using the WKB torque formula with a cutoff, the one-sided
Lindblad torque, TLB, which is exerted by the planet on the
outer disk, is approximately given by (see Lin & Papaloi-
zou 1979, and K15)
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where Mp and M* denote the masses of the planet and the
central star, respectively, and the subscript p denotes the values
at the planet orbital radius Rp. Above, we set the torque cutoff
length % � h R1.3 p p to match the one-sided torque with the
results by detailed linear analyses of disk–planet interaction
(Takeuchi & Miyama 1998; Tanaka et al. 2002; Muto &
Inutsuka 2009). The above assumption that the planetary
torque is exerted mainly within the gap can be valid when the
gap width is much larger than the cutoff length.

In steady state, the mass flux is constant, and the angular
momentum flux radially changes due to the planetary torque.
Thus, the angular momentum flux at the outside of the gap,

�R R( )e p , is equal to the sum of the angular momentum flux at
Rp and the one-sided torque TLB,
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At the outside of the gap, the surface density is the unperturbed
value 40. The gap width is much smaller than Rp though the
width is longer than the cutoff length. Then, we can set
�R Re p, �h he p, and 8 8�e p, and therefore
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From Equation (4), we obtain the gap depth 4 4p 0 as
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(see K15 for detail derivation). Although we adopt a simple
expression for the one-sided torque, Equation (5) gives a good
agreement with the results of hydrodynamic simulations as
shown in Figure 1.

Equation (5) would be valid for 1K 104. If K is appreciably
large, the gap becomes eccentric and non-steady, which breaks
down our simple estimate (Kley & Dirksen 2006). In the
eccentric state, the gap is shallower than the prediction by
Equation (5) (Fung et al. 2014).
As seen in Equation (5), it is related to the planet mass, the

viscosity, and the aspect ratio. Solving Equation (5) for
M M*p , we obtain
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Figure 2 displays the planet mass given by Equation (7) as a
function of the gap depth 4 4p 0 and the disk aspect ratio for
several cases of α. The dependence of the planet mass on hp is
strong, though α dependence is relatively weak. The planet
mass varies from _ �10 5 to _ �10 2 if hp changes from 0.01 to
0.2 for 4 4 � 1 10p 0 and B � �10 .3 Therefore, the constraint
on hp, or equivalently the disk temperature, is important in
estimating the planet mass. In current observations, the
constraints of the disk temperature can be given, for example,
by emissions from optically thick gas (or sometimes dust) as
discussed in Section 3. As discussed in Section 4, we also show
that the spiral structure can constrain the lower limit of the disk
aspect ratio.
In the application of our model to an observed gap, we

assume that the distribution of dust is similar to the gas.
Because of the dust filtration accompanied with the gap,
however, the dust distribution can be significantly deviated
from the gas, as reported by many theoretical studies (e.g.,
Paardekooper & Mellema 2004; Rice et al. 2006; Ward 2009;
Zhu et al. 2012). The millimeter-sized or larger dust particles
strongly suffer from the dust filtration. They are piled up at the
outer edge of the gap and have a much deeper gap than the gas.
Smaller particles with radii of10.1 mm, on the other hand, are
not affected much by the dust filtration, and their distributions
are similar to the gas for a gap created by a Jupiter-mass planet

Figure 1. Gap depth as a function of the parameter K. The solid line denotes
Equation (5). The crosses, circles, and triangles represent the gap depth
obtained by hydrodynamic simulations done by Duffell & MacFadyen (2013),
Fung et al. (2014), and Varnière et al. (2004), respectively. (Entire runs of

�K 8000 are shown in these papers.)
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トルク∝ガス粒子

惑星がガスに与えるトルク
(Lin and Papaloizou 1979)



ギャップの構造
粘性との釣り合いで決定
粘性による正味のトルク

Ω ≤ Ω∗ ≤ ΩK (126)

α = ν/(cs2/Ω) = 0.01 (127)

Q ! 1 (128)

1 ! Q ! 2 (129)

2 ! Q ! 4 (130)

T = 150
( r

1 au

)−3/7

[K] (131)

α " 10−1 (132)
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Σνr2

∣∣∣∣
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)
(133)
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密度勾配負⇒角運動量増加⇒ギャップを埋める
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Fig. 1. The surface density distributions at 104 planetary orbits obtained by two–dimensional hydrodynamic simulations for Mp = 0.3MJ (left) and Mp =

1.0MJ (right). Other parameters are set to be hp/Rp = 1/20, α = 10−3 and M∗ = 1M⊙ .
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Fig. 2. The radial distributions of the azimuthally averaged surface density
for runs with Mp = 0.3MJ (blue) and 1.0MJ (red) presented in Figure 1.
The horizontal dotted line indicates the level of Σ0/2.

gion by the radial extent where the azimuthally averaged surface
density is smaller than the half of the initial surface density. The
gap width ∆gap is given by Rout −Rin. Then we obtain radii
Rin,Rout of the inner and outer edges of the gap region. , where
Rout and Rin are the radii of the outer and inner edges of the
gap region. Note that we can make a reasonable guess of the
gap width from only the snapshot of the simulations (or obser-
vations) since the surface density approaches Σ0 outside the gap
region. The gap width in the case of 1.0MJ (∆gap =0.69Rp) is
∼ 80% larger than that in the case of 0.3MJ (∆gap = 0.39Rp).
Figure 3 shows ∆gap against the dimensionless parameter

K′ defined by

K′ =
(

Mp

M∗

)2
(

hp

Rp

)−3

α−1. (3)

, and there are also recoded in Table 1. It is clear that the gap
width is well scaled by the parameter K′. We find an empirical
formula for the gap width as

∆gap

Rp
= 0.41

(

Mp

M∗

)1/2
(

hp

Rp

)−3/4

α−1/4 = 0.41K′1/4 . (4)

As seen from Equation (4), the gap width depends weakly
on the planet mass and the viscosity, which is consistent with
previous studies (Varnière et al. 2004; Duffell & MacFadyen
2013) . We also find that the disk aspect ratio affects the gap
width as h−3/4

p . Solving Equation (4) forMp/M∗, we obtain

Mp

M∗

= 2.1× 10−3

(

∆gap

Rp

)2(

hp

0.05Rp

)3/2
(

α
10−3

)1/2

. (5)

This equation allows us to estimate the planet mass from the ob-
servation gap width. The planet mass strongly depends on∆gap

& Sunyaev 1973), we write O B� 8h R2 2 , where � 8h c R( )
denotes the disk aspect ratio and c is the sound speed, which
are dependent on the disk temperature.

Because of a strong gravitational torque exerted by a planet
on the disk, a gap opens along the planet–orbit. We assume a
sufficiently wide gap so that the torque is exerted mainly within
a flat gap bottom with a constant surface density 4p. Then,
using the WKB torque formula with a cutoff, the one-sided
Lindblad torque, TLB, which is exerted by the planet on the
outer disk, is approximately given by (see Lin & Papaloi-
zou 1979, and K15)
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where Mp and M* denote the masses of the planet and the
central star, respectively, and the subscript p denotes the values
at the planet orbital radius Rp. Above, we set the torque cutoff
length % � h R1.3 p p to match the one-sided torque with the
results by detailed linear analyses of disk–planet interaction
(Takeuchi & Miyama 1998; Tanaka et al. 2002; Muto &
Inutsuka 2009). The above assumption that the planetary
torque is exerted mainly within the gap can be valid when the
gap width is much larger than the cutoff length.

In steady state, the mass flux is constant, and the angular
momentum flux radially changes due to the planetary torque.
Thus, the angular momentum flux at the outside of the gap,

�R R( )e p , is equal to the sum of the angular momentum flux at
Rp and the one-sided torque TLB,

� �( )( )F R F R T . (3)J e J p LB

At the outside of the gap, the surface density is the unperturbed
value 40. The gap width is much smaller than Rp though the
width is longer than the cutoff length. Then, we can set
�R Re p, �h he p, and 8 8�e p, and therefore
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p M. Under these approximations, substitution
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(see K15 for detail derivation). Although we adopt a simple
expression for the one-sided torque, Equation (5) gives a good
agreement with the results of hydrodynamic simulations as
shown in Figure 1.

Equation (5) would be valid for 1K 104. If K is appreciably
large, the gap becomes eccentric and non-steady, which breaks
down our simple estimate (Kley & Dirksen 2006). In the
eccentric state, the gap is shallower than the prediction by
Equation (5) (Fung et al. 2014).
As seen in Equation (5), it is related to the planet mass, the

viscosity, and the aspect ratio. Solving Equation (5) for
M M*p , we obtain
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Figure 2 displays the planet mass given by Equation (7) as a
function of the gap depth 4 4p 0 and the disk aspect ratio for
several cases of α. The dependence of the planet mass on hp is
strong, though α dependence is relatively weak. The planet
mass varies from _ �10 5 to _ �10 2 if hp changes from 0.01 to
0.2 for 4 4 � 1 10p 0 and B � �10 .3 Therefore, the constraint
on hp, or equivalently the disk temperature, is important in
estimating the planet mass. In current observations, the
constraints of the disk temperature can be given, for example,
by emissions from optically thick gas (or sometimes dust) as
discussed in Section 3. As discussed in Section 4, we also show
that the spiral structure can constrain the lower limit of the disk
aspect ratio.
In the application of our model to an observed gap, we

assume that the distribution of dust is similar to the gas.
Because of the dust filtration accompanied with the gap,
however, the dust distribution can be significantly deviated
from the gas, as reported by many theoretical studies (e.g.,
Paardekooper & Mellema 2004; Rice et al. 2006; Ward 2009;
Zhu et al. 2012). The millimeter-sized or larger dust particles
strongly suffer from the dust filtration. They are piled up at the
outer edge of the gap and have a much deeper gap than the gas.
Smaller particles with radii of10.1 mm, on the other hand, are
not affected much by the dust filtration, and their distributions
are similar to the gas for a gap created by a Jupiter-mass planet

Figure 1. Gap depth as a function of the parameter K. The solid line denotes
Equation (5). The crosses, circles, and triangles represent the gap depth
obtained by hydrodynamic simulations done by Duffell & MacFadyen (2013),
Fung et al. (2014), and Varnière et al. (2004), respectively. (Entire runs of

�K 8000 are shown in these papers.)
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深さ

(Kanagawa et al. 15, 16)

幅
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Fig. 1.— Surface density maps (top) and their azimuthally-averaged radial profiles (bottom) of our fiducial model 10ME (10 M�,
↵ = 5⇥10�5) at 1500 orbits (0.25 Myr). The inner 8 AU is masked out. The green “+” and “⇥” symbols in (a) and (b) mark the locations
of the star and the planet, respectively. The vertical dashed line running through the radial profile panels indicates the orbital radius of
the planet (r

p

= 30 AU). The major features on the two radial profiles are labeled: IR2 (inner ring 2), IG2 (inner gap 2), IR (inner ring),
IG (inner gap), MR (middle ring), OG (outer gap), and OR (outer ring). There is in addition the horseshoe ring (HR) seen in dust only.
One super-Earth can produce multiple rings and gaps in the distributions of gas and of ⇠mm-sized dust. See Section 3.1 for details.

観測との比較

惑星の観測/惑星最大質量の制限からモデルを検証可能

どうやって惑星を形成？　 
全てのギャップを惑星で説明？
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Fig. 4. (a) Observed radial profile of the brightness temperatures of dust
continuum emission in the disk of HL Tau along the major axis. The data
are averaged over ±15◦ in PA from the major axis (PA=138◦ and 318◦)
after the deprojection of the observed images under the assumption that the
inclination angle = 46.7◦. The hatched regions indicate the full width for
each gap for β = 1.5. (b) The radial profiles of the optical depth in Band 6.
The thin dashed and solid lines denote the unperturbed value of the optical
depth τunp and τunp/2 for measuring the gap width (see text). (c) The
radial profiles of the aspect ratio obtained by the disk temperature.

assumed spectral index β (Figure 4). The disk aspect ratio is
calculated from the temperature by h/R = c/(RΩK), where
c=105(T/300K)1/2cm/s. We assume that the mass of the cen-
tral star is 1M⊙. We identify three prominent gaps in the optical
depth atR=10AU, 30AU and 80AU in Figure 4b. Although the
gap at 80AU can be regarded as two gaps, Dipierro et al. 2015
pointed out that this structure can be considered as one gap with
remaining dust in the horseshoe region. Thus, we assume that
the 80AU gap is created by a single planet.

The optical depth outside the gaps can be fitted by τunp =

9.5(R/1AU)−0.4 in Figure 4b. We regard τunp as the unper-
turbed surface density to measure the gap width. Note that the
opacity is assumed to be constant throughout the disk. The loca-
tions of the inner and outer gap edges, Rin and Rout, are deter-
mined by intersection points with τunp/2 and measure the gap
width as Rout −Rin. The location of the planet, Rp, is simply
estimated as (Rin +Rout)/2.

We assume that the gap widths of the gas and dust disks are

Table 2. Measured gap properties and estimated planet
masses.

Rin Rout
∆gap

Rp

hp

Rp
Mp (MJ )

(AU) (AU) (from the width)
10AU gap 7 16.5 0.81 0.05 1.4

30AU gap 28.5 36 0.23 0.07 0.2

80AU gap 70 94 0.29 0.1 0.5

We set α= 10−3, β = 1.5 andM∗ = 1M⊙ at the evaluation in this
table.

similar. That is, it is assumed that dust particles are reasonably
coupled to the disk gas and thus the dust filtration is weak. If
the dust filtration is strong, the dust surface density is enhanced
at the outer edge of the gap by orders of magnitude and sig-
nificantly reduced at the inner part of the disk (e.g.,Zhu et al.
2012; Dong et al. 2015; Picogna & Kley 2015). In the case
of relatively weak filtration, on the other hand, the gap widths
of the dust disk is not altered much (see Figure 3 of Zhu et al.
2012). Because no significant pile–up of dust is found at the
outer edge of each gap in Figure 4b, the assumption of the weak
dust filtration would be valid for the HL Tau disk. Dong et al.
2015 also estimated the mass of the planets in the HL Tau disk
by using hydrodynamic simulations that include dust filtration
for α= 10−3 andMdisk = 0.17M⊙ . Their result indeed shows
that the gap width of millimeter–sized dust particles is similar
(within a factor of 2) to that of small particles tightly coupled to
the gas because of relatively weak dust filtration in the massive
disk of HL Tau (see Figure 10 of Dong et al. 2015), though the
gap depth is much affected even in the case of the weak filtra-
tion. Hence the gap width of the dust disk is more suitable for
estimate of the planet mass than the gap depth of the dust disk.
In addition, for particles smaller than millimeter–sized particles,
gap widths (and gap depths) in gas and dust are more similar to
each other. Jin et al. 2016 have also performed hydrodynamic
simulations with 0.15 millimeter–sized particles in similar sit-
uation of Dong et al. 2015 (α = 10−3 and Mdisk = 0.08M⊙)
and reproduced the observed image of HL Tau disk. In their
simulations, the gap widths in gas and dust are very similar.
Table 2 shows the properties of the observed gaps and the

estimated planet masses. In this table, we set β = 1.5 to obtain
the optical depth and the aspect ratio, and adopt α = 10−3 for
estimate of the planet masses. The planet masses for the gaps at
10AU, 30AU and 80AU are estimated to be 1.4MJ , 0.2MJ and
0.5MJ from the gap widths, respectively. The estimated mass
of the planet at 30AU gap is consistent with that estimated from
the gap depth in Paper I.
We should note that the gap properties and the estimated

masses depend on β, as seen in Figure 4b. The radiative transfer
model of Pinte et al. 2016 implies that β ≃ 1. For the innermost
gap, the planet mass is estimated to be 3.3MJ (1.3MJ ) if β = 1

(2) from the gap width. For the 80AU gap, the gap width is
much more affected by the choice of β. The disk aspect ra-

一つの惑星で複数のリングを 
説明可能かもしれない 
(Dong et al. 2017)



リング・ギャップ形成メカニズム
多重リング
惑星 (cf. Kanagawa et al. 2015, 2016, Dong et al. 2015, 2017, Jin et al. 2016) 
ダスト進化 (成長:Zhang et al. 2015  Sintering:Okuzumi et al. 2015) 
永年重力不安定性 (cf. Takahahsi inutsuka 2014, 2016) 
ダスト沈殿に伴う不安定性 (Loren-Aguilar & Bate 2015) 
MRI (dead zone, zonal flow)(cf. Uribe et al. 2011, Flock et al. 2014)

円盤散逸（Photoevaporation, 円盤風） 
ダスト成長（内側で早い成長）

単一リング



ダスト進化によるリング・ギャップ形成
観測で見えているのはダストの熱放射 
⇒ガスが滑らかな分布でも、ダスト放射に構造があれば良い

ダストの焼結による構造形成（Okuzumi et al. 2015）

円盤温度≲各分子の昇華温度で焼結が起こる 
⇒モノマーの結合部部が太くなる 
⇒衝突時にエネルギーを逃がしにくくなり、壊れやすくなる

Pino et al. 2014



ダスト焼結によるリング構造形成
T ≲ 昇華温度でダスト破壊 
⇒落下速度減少　 
⇒面密度上昇  
⇒リング構造
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Figure 8. Radial distribution of the representative aggregate radius a∗ (panel a), dust surface density Σd (panel b), aggregate Stokes number St (panel c), and radial
inward dust flux Ṁd (panel d) at time t = tsnap = 0.26 Myr from the fiducial simulation. The shaded areas mark the sintering zones defined by rsubl, j < r < rsubl, j
(see Section 3.4 for details). Panel e shows the collision timescale tcoll (Equation (12); solid line) and effective sintering timescale tsint,eff (Equation (17); dashed
line), while panel f plots the collision velocity ∆v (solid line) and fragmentation threshold ∆vfrag (Equation (16); dashed line) for the representative aggregates.

Stfrag,S), respectively. We can see that Stfrag,S reproduces St in
the sintering zones, which confirms that fragmentation is the
dominant limiting process in the regions. One can estimate
the values of a∗ and Σd in the sintering zones by substituting
St = Stfrag,S into a∗ = 2ΣgSt/(πρint) and Equation (24). These
estimates are in excellent agreement with the simulation re-
sults as shown by the dotted lines of Figures 9(a) and (b).

5.3. Lifetime of the Ring Patterns
It is worth mentioning at this point that the radial pattern of

dust as shown in Figure 8 fades out as the disk becomes de-
pleted of dust. As the dust-to-gas mass ratio Σd/Σg decreases,
the collision timescale tcoll of the aggregates increases, and
consequently the maximum aggregate size set by radial drift

(Equation (25)) decreases. Since sintering has no effect on the
radial drift barrier, the radial pattern disappears when the drift
barrier dominates over the fragmentation barrier at all r. This
is illustrated in Figure 10, where we plot the radial distribu-
tion of a∗ and Σd for model Sa0 at different values of t. We
find that the radial pattern present at t = tsnap = 0.26 Myr has
disappeared by t = 1 Myr. For this particular example, one
can show from Equations (29) and (31) that Stdrift < Stfrag,S
for Md < 10−11 M⊙ yr−1. In models La0 and LLa0, which
assume weaker turbulence, dust evolution is slower than in
model Sa0 owing to the lower turbulence-driven collision ve-
locity (see tsnap in Table 3). However, even in these cases, the
sintering-induced ring patterns are found to decay in 2 Myr.
We note, however, that the lifetime of the pattern would be
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barrier dominates over the fragmentation barrier at all r. This
is illustrated in Figure 10, where we plot the radial distribu-
tion of a∗ and Σd for model Sa0 at different values of t. We
find that the radial pattern present at t = tsnap = 0.26 Myr has
disappeared by t = 1 Myr. For this particular example, one
can show from Equations (29) and (31) that Stdrift < Stfrag,S
for Md < 10−11 M⊙ yr−1. In models La0 and LLa0, which
assume weaker turbulence, dust evolution is slower than in
model Sa0 owing to the lower turbulence-driven collision ve-
locity (see tsnap in Table 3). However, even in these cases, the
sintering-induced ring patterns are found to decay in 2 Myr.
We note, however, that the lifetime of the pattern would be

焼結する分子の種類で 
多重リング構造を形成 
!

温度構造によって 
リングの位置・幅が決定
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Figure 18. Same as the right panels of Figure 11 but for runs Sa0-tuned (left panels) and La0-tuned (right panels).

Figure 19. Same as Figure 12, but for models Sa0-tuned (center panels) and La0-tuned (right panels), which adopt optimized sublimation energies for H2O,
NH3, and C2H6.

in a protoplanetary disk. Sintering is a particle fusion process
that occurs when the temperature is slightly below the melt-
ing point. Sintered aggregates are generally harder, but are
less sticky than non-sintered aggregates. Therefore, if dust ag-
gregates in a protoplanetary disk consist of various materials,
their growth can be suppressed at different orbits correspond-
ing to the sublimation fronts of different materials. This pos-
sibility was originally pointed out by Sirono (1999, 2011b),
and here we have for the first time studied its effects on the
global evolution of dust in a protoplanetary disk.
Following Sirono (2011b), we have regard aggregates as

sintered if their sintering timescale is shorter than their colli-

sion timescale (Section 3.4). This criterion defines the “sin-
tering zones” in which one of the volatile species included
in the aggregates causes sintering. The temperature profile
of the HL Tau disk has been modeled based on the mil-
limeter intensity maps provided by the ALMA observations
(ALMA Partnership et al. 2015) together with the assumption
that the central emission peak and inner bright rings are op-
tically thick at 1 mm (Section 2.1, Figure 1). Based on the
aggregate collision simulations by Sirono & Ueno (2014), we
have assumed that sintered aggregates have a maximum stick-
ing velocity that is 60% lower than that for non-sintered ag-
gregates (Equations (18) and (19); Figure 5(a)). For both
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ｔ～0.26Myr で観測を再現するようなリング構造が形成 
その後、ダスト落下と共にリング構造も消える 
⇒リング構造は若い円盤の特徴



リング・ギャップ形成メカニズム
多重リング
惑星 (cf. Kanagawa et al. 2015, 2016, Dong et al. 2015, 2017, Jin et al. 2016) 
ダスト進化 (成長:Zhang et al. 2015  Sintering:Okuzumi et al. 2015) 
永年重力不安定性 (cf. Takahahsi inutsuka 2014, 2016) 
ダスト沈殿に伴う不安定性 (Loren-Aguilar & Bate 2015) 
MRI (dead zone, zonal flow)(cf. Uribe et al. 2011, Flock et al. 2014)

円盤散逸（Photoevaporation, 円盤風） 
ダスト成長（内側で早い成長）

単一リング
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Secular GIのメカニズム

0

長波長の揺らぎはコリオリ力で安定化される。

ガス・ダスト摩擦でダストの速度揺らぎが減少 
⇒長波長の揺らぎが不安定化 
→Secular GIが成長

x x

速度

コリオリ力重力

色の濃淡：ダスト面密度



永年重力不安定性によるリング形成
Takahashi and Inutsuka 2014 

永年重力不安定性(Secular GI) 
　ダスト-ガスの摩擦が引き起こす重力不安定性

「ダスト 多 」と「乱流 弱 」が必要

リング構造がダスト/ガス>0.01と 
弱い乱流（α≲10-3）を表す指標になる

半径100AUに13AU間隔のリング構造が形成
成長時間が長い⇒リングとして観測可能

Secular GI によるリング構造形成シナリオと整合的 
実際にHL TauはSecular GI に対して不安定か？



HL Tau でのSecular GI

不安定モードの成長でリング構造形成を説明可能

最大成長波長11AU　　　　　　≈ 観測されたリング間隔 
成長のタイムスケール9x104年　≲ HL Tau の年齢
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ERRATUM: “AN ORIGIN OF MULTIPLE RING STRUCTURE AND HIDDEN PLANETS IN HL TAU: A
UNIFIED PICTURE BY SECULAR GRAVITATIONAL INSTABILITY” (2016, APJ, 152, 184)

Sanemichi Z. Takahashi1, Shu-ichiro Inutsuka2

In our paper (Takahashi & Inutsuka 2016), there are
typographical errors in Equation (13) and (17). The cor-
rect equations are

δΦ = −2πG

|k|

(
δΣ

1 + kH
+

δΣd

1 + kHd

)
, (1)

and

c2d =
1 + 2(tstopΩ)2 + (5/4)(tstopΩ)3

[1 + (tstopΩ)2]2
αc2s , (2)

respectively. Since we used the correct equations in our
calculations, these typographical errors do not change
the dispersion relation in our original paper.
Apart from the above typographical errors, we used

an incorrect equation for the dust diffusion by the tur-
bulence to calculate the dispersion relations. We under-
estimated (overestimated) the diffusion of dust particles
with small (large) Stoke number. The secular GI is stabi-
lized when we use the corrected equation with the expo-
nential cutoff surface density model with the parameters
given in the original paper. Thus, we show the alterna-
tive results whose strength of the turbulence α are 2/3
times smaller than that used in the original paper. The
fiducial value of α in the original paper is observationally
suggested by Pinte et al. (2016). Since this alpha value
is required from the observed sharp ring structure, this
value should be regarded as an upper limit. Thus, the
observation of the continuum emission of the disk
around HL Tau can be explained by α = 2× 10−4,
with which the secular GI grows
Figure 1-5 are the same as Figure 1-5 in the original

paper, but here we use α = 2 × 10−4 instead of α =
3× 10−4 that is the value used in the original paper. In
Figure 3, the growth timescale in the upper right region
is of order of 104 yr, in which the Secular GI is stable
in the original paper. In this region, the Stokes number
becomes larger than unity. In the disk around HL Tau,
however, it does not seem realized. We do not discuss the
detail of the instability in this region, which is beyond
the scope of the paper. For Figure 6 and 7, we use

α1 = 2× 10−4
( r

100au

)2
, (3)

α2 = 2× 10−4
( r

100au

)3
, (4)

1 Astronomical Institute, Tohoku University,6-3 Aoba,
Aramaki-aza, Aoba-ku, Sendai, Miyagi,Japan; sane-
michi@astr.tohoku.ac.jp

2 Department of Physics, Nagoya University, Furo-cho,
Chikusa-ku, Nagoya, Aichi, 464-8602, Japan; inutsuka@nagoya-
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Fig. 1.— Same as Figure 1 in the original paper but α = 2×10−4.
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Fig. 2.— Same as Figure 2 in the original paper but α = 2×10−4.

instead of Equation (22) and (23) in the original paper.
Since the growth timescales and the wavenumber in Fig-
ure 1-7 are similar to that in the original paper, all the
conclusions in the original paper remain unchanged.
We would like to thank Nicolai Skovby for pointing out

our typographical errors and reproducing the dispersion
relation, which drew our attention to our error. We also

「ダスト 多 」と「乱流 弱 」が 
観測から示唆
(Kwon et al. 2015, Pinte et al. 2015)

100au での分散関係

⇒Secular GI が不安定

リングにダストが濃集→その後の惑星形成につながる可能性
大局的非線形計算が必要 Tominaga, Takahashi,  Inutsuka 2017



モデルの比較
惑星 焼結 Secular GI

ガス構造 有 無 ほぼ無

温度分布 ギャップ構造 リング位置/幅 安定条件

ダストサイズ リングで大 リングで小 リングで大

リング間隔 惑星の軌道 温度分布 
分子種 不安定波長

年齢との関係 若いと困難 古いと困難 古いと困難

惑星形成 結果 ー 原因

モデルの検証/複数天体を説明可能か？



リング・ギャップ形成メカニズム
多重リング
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ダスト進化 (成長:Zhang et al. 2015  Sintering:Okuzumi et al. 2015) 
永年重力不安定性 (cf. Takahahsi inutsuka 2014, 2016) 
ダスト沈殿に伴う不安定性 (Loren-Aguilar & Bate 2015) 
MRI (dead zone, zonal flow)(cf. Uribe et al. 2011, Flock et al. 2014)

円盤散逸（Photoevaporation, 円盤風） 
ダスト成長（内側で早い成長）

単一リング
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Figure 1. Dynamical evaporation of a protoplanetary gas disk by local three-dimensional ideal MHD simulation without mass supply by radial accretion. We impose
a weak vertical magnetic field, Bz, with the plasma β value, βz,mid = 8πρmidc

2
s /B

2
z = 106, at the midplane. The lower right panel shows the total mass normalized by

the initial mass in the local simulation box as a function of rotation time. The four color panels show snapshots of the local protoplanetary disk simulation at t = 0
(initial condition), 200 rotations, 2200 rotations, and 4130 rotations. The x, y, and z components respectively correspond to radial, azimuthal, and vertical components.
The unit of each component is scaleheight, H ≡

√
2cs/Ω. The box size is (x, y, z) = (±0.5H,±2H,±4H ), which is resolved by (32, 64, 256) grid points. The

colors indicate density normalized by the initial value at the midplane, the white solid lines illustrate magnetic field lines, and the arrows show the velocity field.
A small number of magnetic field lines (vertical lines) in the panel of t = 0 reflect that the initially imposed magnetic field is weak (the number of field lines is scaled
by magnetic field strength). We should emphasize that the actual dispersal is much slower because of the mass supplied by accretion (see the text).

(x, y, z) = (±0.5H,±2H,±4H ), where the x, y, and z compo-
nents respectively correspond to radial, azimuthal, and vertical
components and scaleheight, H, is defined from sound speed,
cs, and disk rotation frequency, Ω, as H ≡

√
2cs/Ω.

In SI09, we have already shown results of an ideal MHD
simulation in the shearing box up to 400 rotation times. In this
paper, we extend this simulation to 5000 rotation times when
significant mass is lost from the simulation box (Section 2.2). In
Section 2.3, we take into account the effects of resistivity (i.e.,
dead zone). Later in this paper, we perform simulations in boxes
with larger vertical extents to study the effects of box size on
the escaping mass (Section 5.4.1).

2.1. Launching of Disk Winds

Before showing the results of the local simulations, we
discuss the basic properties of the disk wind obtained in SI09
because the disk wind is the key that controls the evolution
of protoplanetary disks in this paper. In SI09, we interpreted
the disk winds as being driven by the breakups of channel-
mode flows (e.g., Sano et al. 2004) as a result of MRI (Balbus &

Hawley 1991). Large-scale channel flows (e.g., Sano et al. 2004)
develop most effectively at 1.5–2 times the scaleheight above
the midplane. The breakups of these channel flows by magnetic
reconnections drive disk winds in a time-dependent manner
with quasi-periodic cycles of 5–10 rotation periods. The disk
material itself is lifted up recurrently, which will be observed as
the time variation of effective disk surfaces. Time variabilities
are actually observed in protostar–protoplanetary disk systems
(e.g., Wisniewscki et al. 2009; Muzerolle et al. 2009; Bary et al.
2009), which might be explained by quasi-periodic breakups
of channel flows. The quasi-periodic feature of the disk winds
is universally found not only in ideal MHD simulations but in
simulations with dead zones, as will be shown in Section 2.3.

We should note that upward motions in vertically stratified
accretion disks have been widely discussed with various inter-
pretations. Magnetic buoyancy (Parker instability; Parker 1966)
is one of the mechanisms that play a role in lifting up gas and
the magnetic field in the upper regions with |z| ! 1.5H (Miller
& Stone 2000; Machida et al. 2000; Nishikori et al. 2006). In
fact, we observe ⌢-shape magnetic field structures, which are
characteristic of Parker instabilities, in our simulations as well

磁気流体シミュレーション 
　円盤から上下方向にガスが流出

磁気回転不安定性による乱流

磁場を曲げエネルギーを上空へ

ガスの上下方向の速度に転換

円盤

上空

上空

円盤風で内側に穴をあけるとリング構造が説明できるか？

Suzuki et al. 2010
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質量保存

3. 結果：リング形成
3.1. set up

3.1.1. 分子雲コア
中心密度 4.5 × 10−20 [gcm−3], f=1.4, 総質量 Mcl =

1.5M⊙, 半径 0.08 pc. 回転角速度 3.2× 10−15 [s−1] (参考
に典型値 3.2× 10−14 [s−1]も計算).

3.1.2. 円盤
内縁半径 1 au,外側境界 104 au. 角運動量輸送として、

α粘性モデルを用いる。温度分布

T = 150

(
r

1 [au]

)−3/7

(1)

α = exp[−Q−4] + αMRI (2)

円盤風による mass loss

Σ̇wind =

{
0 (Minf < Mcl)

CwΣΩ (Minf > Mcl)
(3)

ここでMcl は分子雲コアから降着した総質量。ダストの
運動は St固定で計算。

3.2. Timescales

重要なタイムスケールは粘性、wind, radial drift の 3
つ。
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CW ~10-5-10-3

CW一定なら円盤内側ほど効率的



観測との比較
原始惑星系円盤の形成・進化モデルで 
円盤風の強さ等をパラメータとして多数のモデル計算

ALMAによる観測

(Sheehan and Eisner 2017)

モデルの模擬観測

磁気駆動円盤風によるリング構造形成シナリオで 
WL 17 の観測結果を整合的に説明可能

ダスト放射の輝度分布 
コントアは同じ輝度に対応

(Takahashi and Muto submitted)

計算結果を使って模擬観測WL 17



      
 Fig. 1. IRS 48 dust and gas observations. The inclined disk around IRS 48 as observed 
with ALMA Band 9 observations, centered on the star (white star symbol). The ALMA beam 
during the observations is 0.32" × 0.21" and is indicated with a white ellipse in the lower left 
corner. A) the 0.44 millimeter (685 GHz) continuum emission expressed both in flux density and 
relative to the rms level (σ = 0.82 mJy/beam). The 63 AU radius is indicated by a dashed ellipse.  
B) The integrated CO 6-5 emission over the highest velocities in contours (6,12,...,60σCO levels, 
σCO = 0.34 Jy km s-1): integrated over -3 to 0.8 km s-1 (blue) and 8.3 to 12 km s-1 (red), showing a 
symmetric gas disk with Keplerian rotation at an inclination i = 50o. The green background 
shows the 0.44 millimeter continuum. The position angle is indicated in the upper right corner. 

2 M. Fukagawa et al. [Vol. ,

Cycle 0. The maximum and minimum baselines were 380 m
and 20 m, respectively, and the latter corresponded to the
largest angular scale of the detectable component of 10′′. The
observations reported in this letter consisted of four schedul-
ing blocks over the period from June to August 2012. The
correlator was configured to store dual polarizations in four
separate spectral windows with 469 MHz of bandwidth and
3840 channels each, providing a channel spacing of 0.122MHz
(0.11 km s−1). Note that the effective spectral resolution
is lower by a factor of around 2 (∼0.2 km s−1) because of
Hanning smoothing. The central frequencies for these win-
dows are 330.588, 329.331, 342.883, and 342.400 GHz, re-
spectively, allowing observations of molecular lines of 13CO
J = 3–2, C18O J = 3–2, and CS J = 7–6. The results of
the CS observations will be reported elsewhere. The quasars
3C 279 and J1924-292 were targeted as bandpass calibrators,
whereas the amplitude and phase were monitored through ob-
servations of the quasar J1427-4206. The absolute flux density
was determined from observations of Titan and Neptune.
The data were calibrated and analyzed using the Common

Astronomy Software Applications (CASA) package, version
3.4. After flagging aberrant data and applying calibrations for
the bandpass, gain, and flux scaling, the corrected visibilities
were imaged and deconvolved using the CLEAN algorithm
with Briggs weighting with a robust parameter of 0.5. In ad-
dition, to improve the sensitivity and image fidelity, the self-
calibration was performed for the continuum for which the dis-
tinct structure was detected with a very high signal-to-noise
ratio (S/N). The calibration began with the CLEAN-ed im-
age as an initial model of the source brightness distribution.
The phase alone was corrected first via six iterative model re-
finements, then the calibration was obtained for phase-plus-
amplitude with no iteration. The solution for the continuum
was applied to 13CO and C18O data. The final CLEANing was
performed with Uniform weighting both for the continuum and
emission lines. The self-calibration reduced the fluctuation in
the continuum to the level that can be accounted for by 2–3
times as high as the theoretical thermal origin, resulting in a
clear detection of compact emission at the stellar position.
The uncertainty associated with the absolute flux density is

10%. The synthesized beam size for the continuum is 0.′′39×
0.′′34 with a position angle (PA) of 57◦ for the major axis, and
those for 13CO and C18O are 0.′′43×0.′′37 with PA = 50◦. The
rms noise is 0.19 mJy beam−1 for the continuum whereas it is
12 and 15 mJy beam−1 in the 0.11 km s−1 wide channels for
the line emission of 13CO and C18O, respectively. Since the
positional information was lost through the self-calibration, the
stellar position was determined as the brightness centroid of the
compact continuum detected at around the stellar coordinates.

3. Results

3.1. Continuum at 336 GHz

3.1.1. Outer Disk
Figure 1 shows the continuum emission at 336 GHz

(890 µm). The outer disk was readily detected and the total
flux density (> 5σ) was measured as 2.7 Jy. It clearly departs
from a uniform ring and exhibits a horseshoe-like distribution
as reported in previous studies (Ohashi 2008; Casassus et al.
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Fig. 1. Dust continuum map at 336 GHz (890 µm) for the disk of
HD 142527. The color-scale shows the brightness temperature in a
logarithmic scale. The black contours denote Tb = 5, 10, 15 and 20
K while the white one does the 5σ level. The size of the synthesized
beam is shown at the left corner of the image with a white ellipse of
0.′′39× 0.′′34 (= 55 AU × 48 AU) with the major-axis PA of 57◦.

2013). The northern region is brighter than the southwestern
(SW) area, with an emission peak of 213 mJy beam−1 at the
projected distance of 1.′′0 (140 AU) from the star, and at a PA
of 30◦. When probed along the annular emission ridge, both
ends of the horseshoe appear to be connected at the bright-
ness minimum of 7 mJy beam−1 at 1.′′3 (180 AU) and PA =
220◦. The contrast in flux density thus reaches to 30 between
the northern peak and the SWminimum. The peak flux density
is expressed by a brightness temperature (Tb) of 24 K with-
out the Rayleigh-Jeans approximation. This Tb is much higher
than those beyond 100 AU in other disks. Unless the emitting
grains are significantly warmer than 24 K, the region should be
optically thick to the submillimeter radiation due to the high
column density.
3.1.2. Inner Disk and Radial Gap
At the position of the star, emission was detected with a

significance of 16σ at the peak (figure 1). The χ2-fitting of
an elliptic Gaussian function resulted in a FWHM of (0.′′33±
0.′′02)× (0.′′29± 0.′′02) with a PA of 99◦ ± 3◦ for the major
axis. It was thus spatially unresolved given the beam size of
0.′′39× 0.′′34. The integrated flux density over the Gaussian
was 2.3±0.2 mJy, substantially higher than the photospheric
level of 0.02 mJy. This suggests that the emission comes
from the inner disk whose presence has been predicted from
the near-infrared excess, and the mid-infrared imaging (V11;
Fujiwara et al. 2006) where the inner disk was marginally re-
solved with an inferred size of ∼30–50 AU in radius. The
gaseous emission from the inner disk was also imaged and
kinematically resolved (Casassus et al. 2013; Öberg et al.
2011; Pontoppidan et al. 2011). The mass of the inner disk
can be crudely estimated, assuming that the majority of the
mass resides in the outer, optically thin part, using the equation
Min = Fνd2/(κνBν(T )), where Fν is the observed flux den-
sity, d is the distance to the star, κν is the opacity, and T is the
characteristic temperature of the disk. We adopted T = 50 K
(Chiang& Goldreich 1997) and κ336 of 0.034 cm2 g−1, assum-

(Fukagawa et al. 2013)

(van der Maler et al. 2013)

HD 142527

Oph IRS 48

その他の構造：三日月型構造
非軸対称にダストが集中した構造も発見

ロスビー波不安定性で説明可能か？

ロスビー波不安定性 [RWI]

面
密
度

半径

軸対称密度バンプ 800回転@r=1ex.) 密度バンプ
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9差動回転円盤中で起こるシアー不安定性
9動径方向の密度分布に強い変化がある時、不安定

9不安定時、ガス渦を形成
9複数の渦ができた後、
合体により一つの渦に
9最終的に渦移動が起こり
中心星に落下 (for 2D)

二次元計算、高密度の渦が形成
渦にダストを集められると観測を説明
惑星形成にもつながる

小野さんのスライドより



その他の構造：渦状腕構造
惑星か重力不安定か？

The Astrophysical Journal Letters, 748:L22 (7pp), 2012 April 1 Muto et al.
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Figure 3. Top: azimuthal SB profile at r = 0.′′5 (left) and r = 0.′′7 (right) with PA measured from north to east. Bottom: radial profile along the major axis. Position
errors indicate the FWHM of the PSF. SB errors are estimated using frame-by-frame deviations.

Figure 4. Left: red and green points indicate the locations of the maxima of radial profiles for S1 (top) and S2 (bottom). The green ones are used for the fitting by
Equation (1) (Section 4). Dashed lines indicate circles with r = 0.′′39 (top) and r = 0.′′3 (bottom). Right: the spiral shape given by Equation (1) with the best-fit
parameters of S1 (top) and S2 (bottom). Crosses show the locations of (rc, θ0).
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that there is no outflow in the small scale, as observed in Pérez
et al. (2016). In the scale of the molecular cloud core or larger,
on the other hand, Gurney et al. (2008) reported detection of
low-velocity (1–2 km s−1) molecular outflows toward Elias
2–27. This velocity is in a good agreement with our MHD
simulation. We are planning to perform synthetic observations
of molecular lines and compare with observations in a
future work.

It has been pointed out that theoretical models and numerical
simulations tend to predict circumstellar disks heavier than the
observed Class-0/I objects, while massive disks with
Mdisk>0.1Me do exist (Jørgensen et al. 2009; Tobin
et al. 2016). This “disk-mass problem” can be reconciled if
massive disks with spiral arms exist commonly. Such massive
disks are favorable to explain the observed high binary rate
(e.g., Duchêne & Kraus 2013) based on the disk fragmentation
scenario. Moreover, it is important to consider such massive
disks in the context of planet formation because circumstellar
disks are the initial and boundary conditions of planet
formation. Systematic surveys of young circumstellar disks
are of crucial importance, along with improvement of
theoretical models.

We thank Takayuki Muto, Akimasa Kataoka, and Laura
Pérez for useful information and discussion. We also thank
Cornelis P. Dullemond for publicly distributing RADMC-3D.
We use VisIt (Childs et al. 2012) to produce Figure 4. VisIt is
supported by the Department of Energy with funding from the
Advanced Simulation and Computing Program and the
Scientific Discovery through Advanced Computing Program.
This Letter makes use of the following ALMA data: ADS/
JAO.ALMA#2013.1.00498.S. ALMA is a partnership of ESO
(representing its member states), NSF (USA) and NINS
(Japan), together with NRC (Canada), NSC and ASIAA
(Taiwan), and KASI (Republic of Korea), in cooperation with
the Republic of Chile. The Joint ALMA Observatory is
operated by ESO, AUI/NRAO and NAOJ. This work is partly
supported by the Ministry of Education, Culture, Sports,
Science and Technology (MEXT), Grants-in-Aid for Scientific
Research 16H05998(KT), 25400232(MNM), 16H05996(HT),
and Grant-in-Aid for the Japan Society for the Promotion of
Science Fellows 15H08816(YS). Y.S. is also supported by
Advanced Leading Graduate Course for Photon Science. This
research uses computational resources of the High Performance
Computing Infrastructure (HPCI) system provided by Cyber

Sciencecenter (Tohoku University), Cybermedia Center (Osaka
University), and Earth Simulator (JAMSTEC) through the
HPCI System Research Project (Project ID:hp160079).
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惑星が円盤に立てた波による腕構造

重力不安定による腕構造と観測の比較

HD 135344B

シミュレーション 観測(Perez et al 2016)
Elias 2-27

Tomida et al. 2017

惑星の位置を仮定

惑星が作る波の形状

Muto et al. 2012

回転対称な2本の腕構造は 
重力不安定性で説明しやすい



Outline

• イントロ　

!

• 円盤形成・進化の物理過程

!

• 現在の課題

!

• 将来の展望、まとめ 

原始惑星系円盤の形成・進化の概要

円盤の詳細構造形成の理解



今後の展望１：観測との関係
ALMAによる詳細な円盤観測が続く 
　⇒新たな構造の発見、統計的な特徴

✦新しい観測を説明する円盤構造形成モデル 
✦構造形成の統計的特徴の研究 
✦乱立する理論モデルの淘汰（だと良いな。。。）

観測が理論をリードする時代が続く

円盤観測を惑星形成シナリオの解明につなげる
✦ダストの光学特性の理解 
✦構造形成から惑星形成への応用（ダスト進化計算の組込）

観測的にもガス分布の理解は今後の課題
✦化学進化計算により、line観測から重要な情報を引き出す



今後の展望2：星形成理論との関係

3次元で磁場、輻射が実装されている。No. 1, 2010 RMHD SIMULATION OF PROTO-STELLAR COLLAPSE L59

2. METHOD AND MODEL

We solve three-dimensional self-gravitational RMHD equa-
tions on nested-grids. Equations and quantities for the radiation
are defined in the comoving frame of the fluid. We treat only
the zeroth-order moment equations of radiation transfer using
the gray (i.e., equations are integrated over frequency assum-
ing a blackbody spectrum of the local temperature) FLD ap-
proximation proposed by Levermore & Pomraning (1981) with
Levermore (1984) closure relations. We assume ideal MHD with
no resistivity. The equation of state (EOS) of the gas is also as-
sumed to be ideal, where the gas mainly consists of hydrogen
molecules and the adiabatic index γ is set to 7/5 throughout the
simulation, which is better to trace the realistic thermal evolu-
tion than γ = 5/3 (Stamatellos & Whitworth 2009). We assume
that the gas and the dust have the common local temperature.

Here, we do not describe the implementation of our code
in detail but mention some points about the treatment of
radiation transfer. For the MHD and self-gravity parts, see
Machida et al. (2005a, 2005b). Our method for updating
radiation and gas energy is similar to the ZEUS-MP code
(Hayes et al. 2006), although the detailed treatment of the
MHD and radiation parts is different from theirs. While our
MHD and self-gravity parts are advanced explicitly with a
second-order scheme, the radiation part is advanced implicitly
with the first-order backward Euler method for stable time-
integration. Newton–Raphson iteration is used to solve the
resulting nonlinear equations. The sparse matrix appearing
here is very large and not diagonally dominant because of
the strong nonlinearity of the system; hence, a fast and robust
iterative solver is required. We use a stabilized biconjugate
gradient solver with a multi-color modified incomplete LU
decomposition preconditioner, which is stable and efficient.

We determine the timestep by the Courant–Friedrich–Levy
(CFL) criterion derived for the MHD part. All the grids
have this common timestep and are advanced synchronously,
although individual (asynchronous) timesteps are generally
used in AMR simulations. In usual MHD simulations using
individual timesteps, boundary values in the finer level are
constructed by time-interpolation of the values in the coarser
level. However, if we use an implicit time-integrator and a far
larger timestep than that determined by the CFL condition for
radiation transfer (i.e., ∆t ≫ ∆tRT = ∆x/c, where c is the speed
of light), then this time-interpolation is not adequate, at least in
principle.

We use a compiled table of opacity adopted from Ferguson
et al. (2005) and Semenov et al. (2003). We use Semenov
et al. (2003) for the Rosseland mean opacity, and we smoothly
combine the two for the Planck mean; Ferguson et al. (2005)
in high temperature (T ! 1000 K) and Semenov et al. (2003)
in low temperature. This is because the Planck mean opacity
of Semenov et al. (2003) is quite lower than other opacity
tables in high temperature (Ferguson et al. 2005). We adopt
the surface formula with the limiter proposed by Howell &
Greenough (2003) to evaluate radiation energy flux at the cell
interface.

We take a Bonnor–Ebert sphere of 10 K with central density
ρc = 1.0 × 10−19g cm−3 for the initial condition. The mass and
radius of the cloud are Mc ∼ 6.1 M⊙ and Rc ∼ 0.178 pc,
respectively. Initial rotation and magnetic fields are given
uniformly along the z-axis, ω = 0.1/tff ≃ 1.5×10−14 s−1 and
Bz = 1.1 µG. The outermost boundary values are fixed to keep
their initial values, and no geometric symmetry is assumed. The
number of grid points in each level of nested-grids is 643. The

Figure 1. Three-dimensional structure of the first core and outflow in level
L = 10. The left and bottom panels are density profiles and the right panel
shows the temperature distribution. The cyan surface is a density isosurface.
The fast outflowing region (vz > 0.3 km s−1) is also visualized with volume
rendering. Red and yellow lines are the magnetic field lines.

size of the finer grid is half of the coarser grid, and the finer grid
is placed around the center of the simulation box self-similarly.
The simulation starts with five levels of nested-grids, and finer
grids are generated adaptively to resolve the local Jeans length
with 32 meshes not to induce artificial fragmentation (Truelove
et al. 1997). This is also because insufficient resolution causes
the gas entropy to be overestimated near the center of the core. At
the end of the simulation, 18 levels of nested-grids are generated
and finest resolution is ∆x ∼ 0.009 AU. We stop the simulation
when the gas temperature of the central region reaches 2000 K
at which temperature hydrogen molecule starts to dissociate and
the second collapse begins.

3. RESULTS

3.1. Overview

Figure 1 is a typical bird’s-eye view of the first adiabatic core
and the outflow ∼500 yr after the first core formation. There
coexist two components of outflow: well-collimated fast outflow
(associated with red magnetic field lines) and slow outflow
with a large opening angle (associated with yellow magnetic
field lines). The former is driven by magnetic pressure and
the latter by magneto-centrifugal force (Blandford & Payne
1982). Tomisaka (2002) showed that the magnetic pressure
mode typically appears in the case of weak magnetic fields,
while the magneto-centrifugal mechanism appears in the case
of relatively strong magnetic fields.

Vertical slices of the outflow scale and the core scale are
shown in Figure 2. Hereafter we discuss only vertical slices since
the process occurs nearly axisymmetric. Although the density
distribution shows the complicated structure as a result of MHD
processes, the temperature distribution is almost spherically
symmetric in the center of the cloud. The gas is heated up
by the radiation before it enters the first core. This means that
the temperature distribution in the outer region is dominated
by the radiation from the central hot region. This picture is
considerably different from that of the barotropic approximation
used in previous studies, in which the temperature is determined
only by the local gas density.

Tomida et al. 2010
新規参入で最先端の計算コードを作ることが困難に

星・円盤形成過程は主にシミュレーションで研究が進展

Athena ++ など高性能な公開コードが存在
No. 1 よりOnly 1のシミュレーション、新たな発想が求められる

よりsmall scale に行くか 
!

large scale に行くか

（高分解能、惑星形成との関係）

（分子雲コア、フィラメントとの関係）

André et al.: The Herschel Gould belt survey

Fig. 1. Column density maps of two subfields in Aquila (left) and Polaris (right) derived from our SPIRE/PACS data. The contrast
of the filaments with respect to the non-filamentary background has been enhanced using a curvelet transform as described in
Appendix A. Given the typical width ∼ 10000 AU of the filaments, these column density maps are equivalent to maps of the mass
per unit length along the filaments. The color scale shown on the right of each panel is given in approximate units of the critical line
mass of Inutsuka & Miyama (1997) as discussed in Sect. 4. The areas where the filaments have a mass per unit length larger than
half the critical value and are thus likely gravitationally unstable have been highlighted in white. The maximum line mass observed
in the Polaris region is only ∼ 0.45× the critical value, suggesting that the Polaris filaments are stable and unable to form stars at
the present time. The candidate Class 0 protostars and bound prestellar cores identified in Aquila by Bontemps et al. (2010) and
Könyves et al. (2010) are shown as green stars and blue triangles, respectively. Note the good correspondence between the spatial
distribution of the bound cores/protostars and the regions where the filaments are unstable to gravitational collapse.

mass scale suggests that, as a class, the self-gravitating prestel-
lar cores identified in far-IR/submilimeter continuum imaging
studies such as the present Herschel survey may form stars on a
one-to-one basis, with a fixed and relatively high local efficiency,
i.e., ϵcore ≡ M⋆/Mcore ∼ 20 − 40% in Aquila. This is consistent
with theoretical models according to which the stellar IMF is in
large part determined by pre-collapse cloud fragmentation, prior
to the protostellar accretion phase (cf. Larson 1985; Padoan &
Nordlund 2002; Hennebelle & Chabrier 2008). There are sev-
eral caveats to this simple picture (cf. discussion in André et al.
2009), and detailed analysis of the data from the whole Gould
belt survey will be required to fully characterize the CMF–IMF
relationship and, e.g., investigate possible variations in the ef-
ficiency ϵcore with environment. It is nevertheless already clear
that one of the keys to the problem of the origin of the IMF lies
in a good understanding of the formation process of prestellar
cores, even if additional processes, such as rotational subfrag-
mentation of prestellar cores into binary/multiple systems (e.g.,
Bate et al. 2003), probably also play an important role.

Our Herschel initial results also provide key insight into the
core formation issue. They support an emerging picture (see also
Myers 2009) according to which complex networks of long, thin
filaments form first within molecular clouds, possibly as a result
of interstellar MHD turbulence, and then the densest filaments
fragment into a number of prestellar cores via gravitational in-
stability. That the formation of filaments in the diffuse ISM rep-
resents the first step toward core/star formation is suggested by
the filaments already being omnipresent in a diffuse, non-star-
forming cloud such as Polaris (cf. Fig. 1–right, Men’shchikov et

al. 2010, and Miville-Deschênes et al. 2010). The second step
appears to be the gravitational fragmentation of a subset of the
filaments into self-gravitating cores. This observationally-driven
scenario can be placed on a stronger footing by comparing our
Herschel results to existing models of filamentary cloud frag-
mentation. Inutsuka & Miyama (1992, 1997) showed that an
unmagnetized isothermal filament is unstable to axisymmetric
perturbations if the line mass or mass per unit length, Mline, of
the filament is larger than the critical value required for equi-
librium, Munmag

line,crit = 2 c2s/G, where cs is the isothermal sound
speed. Remarkably, the critical line mass only depends on gas
temperature (Ostriker 1964) and is modified by only a factor
of order unity for filaments with realistic levels of magnetiza-
tion (Fiege & Pudritz 2000). Figure 1 shows maps of the mass
per unit length, expressed in approximate units of the critical
line mass, for the filaments detected by Herschel in Aquila and
Polaris. These maps were constructed from the column density
maps derived from our SPIRE/PACS images (see Appendix A)
by multiplying the local column density of the filaments by their
measured typical width (FWHM ∼ 14000 AU in Aquila and
∼ 9000 AU in Polaris, before deconvolution – cf. Men’shchikov
et al. 2010). In Fig. 1, the critical line mass corresponding to a
gas temperature of 10 K (M10K,unmag

line,crit ≈ 15M⊙/pc) was adopted
throughout the fields, but nearly identical results are obtained
if the dust temperature maps derived from the Herschel im-
ages (cf. Bontemps et al. 2010) are used instead. The results (cf.
Fig. 1) show that most (> 60%) of the bound prestellar cores
identified in Aquila are concentrated in supercritical filaments
with Mline > Munmag

line,crit. Furthermore, virtually all supercritical fil-

3

(Andre et al. 2010)



今後の展望3：惑星形成理論との関係
観測の情報をフル活用（展望１）

赤道面の乱流等これまで分からなかった物理量が 
定量的に分かるようになってきた (Pinte et al. 2015)

個別と全体

✦惑星形成理論ではファクターの違いでも結果に大きく影響 
✦各素過程の詳細なシミュレーションは今後も必要

個別

（ダストの進化、MRIなど。。。）

全体
✦増え続ける惑星系の観測結果 
✦惑星の多様性の起源を探る 
✦円盤の多様性との関係



まとめ
• 原始惑星系円盤は原始星の周囲に形成 

• ガスは円盤を通して星に降着し、惑星は円盤中で形成さ
れるため、星・惑星形成の理解のために重要 

• 分子雲コアの重力崩壊によって形成され、重力不安定性
やMRIなどの角運動量輸送により進化していく 

• 近年円盤に多様な構造が観測されている。リング構造形
成に関して、惑星や焼結、永年重力不安定性など複数の理
論モデルが提唱されるが起源は未だに解明されていない。 

• 今後も詳細な観測・統計的観測が進むため、観測にリー
ドされる形で円盤の研究が進んでいくと思われる


